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Scientific context : cosmic ray acceleration at fast shocks

Kepler SNR by Chandra



The energy Cosmic Ray spectrum

From MeV to almost ZeV or 1021  eV  

ExtragalacticGalactic
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The end of the galactic cosmic ray spectrum (Alvès Batista et al  2019 FASC)



Particle acceleration at fast, strong shocks
• Main mechanism: diffusive shock acceleration: produce in the test-particle limit a power-law solution. 


> CR back-reaction and self-generated turbulence : up to 8-9 orders of magnitude in scales to cover : indeed particles are injected from 
the shocked plasma downstream (MeV) and have to be accelerated up to PeV energies.  


Shock profile including CRs back-reaction in fluid Eqs (eg Drury et al 1981 A&A)

Principle of diffusive shock acceleration (DSA, eg Bell 1978 MNRAS)

CR scattering back and forth the shock front with a compression ratio r by magnetic 
perturbations naturally produces power-law distributions N(E) scaling as E-(r+2/r-1)   

The compression ratio depends on the particle energy, non universal power-law anymore

upstream downstream
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Magnetic field amplification
• Magnetic field amplification (MFA) is an essential process to reach the highest 

energies.


Hillas criterium (upper limit):  


 for Bohm diffusion.

κ
ush

= Rsh , κ =
rgc
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Emax ∼ 1 PeV ( ush

1000km . s−1 ) ( R
1 pc ) ( B

100 μG )
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If particle acceleration is occurring at SNR, being a PeVatron requires fast shocks and 
high magnetic field amplitudes.  


We actually have hints of MFA at fast shocks in young SNRs.



Evidences of the acceleration phenomenon
Supernova remnants : non-thermal spectrum from radio to gamma-rays + X-ray filaments

Gamma-ray spectra of several historical supernovae

Non-thermal (power-law) photon distribution + require relativistic 
particles (kinetic energies above GeV to TeV)

Tycho SNR image at X-rays by the Chandra satellite 

Blue: thin rims associated with the forward shock : non-thermal synchrotron 
radiation by TeV electrons in up to milli Gauss level magnetic fields (~100 
times larger than standard values in the interstellar medium)


Evidence of strong magnetic field amplification by on-going plasma 
processes (eg Parizot et al 2006 A&A)
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E ~ 10-100 TeV electrons  
in  < mG magnetic fields



Observations and speculations
• MFA is occurring in young SNRs, multi TeV electrons are accelerated there.


• But no gamma-ray above a few 100 TeV => these are not PeVatrons.


Back to the confinement limit: 





Alternative sources:


> Massive star clusters R > pc, B not known but turbulence dynamo can produce 10 micro Gauss 
with shock speeds (stellar winds) about 1000 km/s.  


> Young SNRs or even supernovae have R << pc but shock speeds up to 0.1c and a CR self-
generated magnetic field strengths up to a few tens of Gauss. —This talk—


Emax ∼ 1 PeV ( ush

1000km . s−1 ) ( R
1 pc ) ( B

100 μG )
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Cosmic Ray driven instabilities 

Application to fast shocks in circum-stellar massive star winds
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3-D NRS instability near astrophysical shocks 3

Figure 1. Magnetic field strength and thermal plasma density at four consecutive moments in time, showing the development of a
filamentary instability in the upstream medium as well as the distortion of the shock front. Initially, (t=405 !�1

c , upper left panel) the
structure in the magnetic field seems random and the thermal gas density remains undisturbed. However, over time (t=540, 675 and
810 !�1

c ) the disturbance in the upstream magnetic field forms filaments and the thermal gas density follows. The downstream magnetic
field becomes highly turbulent. Owing to the varying pressure, the shock front becomes distorted

the thermal plasma and the magnetic field, whereas the non-
thermal component is calculated using the PIC method. The
interaction between the two components is taken into ac-
count through a modified version of Ohm’s law,

c E = �
�
(1 � R) v + R upart

�
⇥ B (1)

with c, the speed of light, E the electric field, v the velocity
of the thermal plasma, upart the average velocity of the
supra-thermal particles, B the magnetic field and R the
ratio of the supra-thermal particle charge density to the
total charge density (R ⌧ 1). MHD momentum and energy
equations also consider contributions from the non-thermal
population leading to a global momentum and energy
conservation. The gas is considered to be non-collisional
and the only interaction between the non-thermal particles
and the thermal gas is through the electro-magnetic field.

We use the same code described in Paper 1, which
is based on the MPI-AMRVAC code (van der Holst et al.
2008; Keppens et al. 2012). This is an MPI-parallel,
fully conservative code that uses the OCTREE (Shephard
& Georges 1991) adaptive mesh system to dynamically
adapt the grid resolution. Onto this code we have added a

module that calculates the motion of charged particles in
an electro-magnetic field using the Boris-pusher (Birdsall
& Langdon 1991). The influence of the charged particles
on the thermal gas is accounted for through the modified
conservation equations described by Bai et al. (2015);
Mignone et al. (2018); Amano (2018) and Paper 1. This
method allows for a self-consistent interaction between the
particles and the thermal gas while conserving momentum
and energy. In order to ensure that the magnetic field
remains divergence-free throughout the simulation we
have implemented the constrained-transport method as
described in Balsara (1998); Balsara & Spicer (1999).

2.2 Corrugated shock capture procedure

In the simulations shown in Paper 1 we injected the particle
along a straight line, perpendicular to the flow. The posi-
tion of this line was determined by the x-coordinate (here-
after the coordinate along the shock normal) of the highest
density gradient, which was assumed to coincide with the
location of the shock. However, once the shock becomes cor-

MNRAS 000, 1–11 (2017)

3D shock including cosmic rays (van 
marle et al 2019 MNRAS)



CR as sources of instabilities
• Cosmic Rays can triggered several type of plasma kinetic instabilities (see Bykov et al 2013 Sp.Sc.Rev.)





    dipole  +  quadrupole


• Quadrupole term => pressure-driven types: mirror/firehose (Bykov+13, Achterberg 2013 MNRAS)


• Dipole particle distribution anisotropy => streaming instability (Bykov+13, AM et al 2021 LRCA)


• Effective velocity anisotropy in the observer frame (Interstellar medium)


• Isotropic distribution drifting in the observer frame (shock configurations)


• Other ways : pressure effects : inflating, Parker instability 1982 ApJ, pressure gradient sound waves 
generation, Drury instability, Drury & Falle 1986 MNRAS) … 

F(p, μ) = F(p)(1 + 3βμ + χ
(3μ2 − 1)

2
+ . . . ), μ : velocity pitch − angle cosine = cos( ⃗v , ⃗B)
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The non-resonant streaming instability
aka non-resonant hybrid instability

• Triggered by the CR current  => return current in the background plasma => 

Lorentz force => perpendicular plasma motion => perpendicular magnetic field growth (Bell 2004 MNRAS).

⃗J CR = eNCR ∫ g(p) ⃗v (p)d3 ⃗p
2 Cosmic Ray Precursor in GRB Shocks

least a weakly magnetized upstream. Here we explore the in-
teraction between these components. In § 2, we derive the
conditions under which the CRs drive turbulence in the up-
stream; this turbulence generates a large-scale magnetic field
that increases the acceleration efficiency.2 In § 3, we argue
that this mechanism is a candidate solution of the origin of
the field inferred from the afterglow emission in external GRB
shocks. In § 4, we discuss implications for TWI and for the
production of ultrahigh energy cosmic rays (UHECRs).

2. COSMIC RAY – MAGNETIC FIELD INTERACTION
2.1. Cosmic Ray Trajectories and the Return Current

Consider a relativistic shock wave with Lorentz factor Γ

that accelerates particles to Lorentz factors γ ≫ Γ. The ac-
celerated particles are roughly isotropic in the downstream
frame; a fraction of them are moving ahead of the shock. In
the upstream frame, the velocities of the accelerated particles
are directed within an angle θ ∼

√
2/Γ of the shock normal.3

If the upstream contains a magnetic field B, the field deflects
charged particles moving ahead of the shock. When the veloc-
ity of a particle is deflected to an angle ∼ 1/Γ from the shock
normal, the shock catches up and re-absorbs the particle.

The orbit of a particle in the upstream field can be quasi-
circular or diffusive, depending on how the radial distance
X the particle traverses ahead of the shock compares to the
relevant magnetic correlation length λ. The typical angle by
which the magnetic field deflects the particle is ∆θ ∼ X/rg
when the orbit is quasi-circular and ∆θ ∼ (λX)1/2/rg when
the orbit is diffusive, where

rg =
γmc2

eB(λ)
(1)

is the gyroradius of the particle expressed in terms of the mag-
netic field B(λ) on scales λ. Reabsorption in the shock occurs
when ∆θ ∼ 1/Γ, and thus the distance traversed by the parti-
cle in the quasi-circular and diffusive regime is

X ∼
!

rg/Γ, (X ! λ) ,
(rg/Γ)2/λ, (X ≫ λ) . (2)

In spherical blast waves, a particle can be accelerated by re-
peated shock crossing if the time separating its emission and
re-absorption in the shock ∼ X/c is smaller than the expan-
sion time of the shock ∼ R/c, where R is the shock radius.4
Therefore X ≤ R is required for acceleration. The maximum
distance that the particle reaches from the moving shock tran-
sition is substantially smaller,

∆∼
X
Γ2 , (3)

because the particle and the shock are both moving at about
the speed of light. Another requirement for acceleration is
that the cooling time be longer than the acceleration time (see
§ 3).

In general, protons and electrons are both emitted into the
shock upstream. However, the synchrotron and self-Compton
cooling inhibit the acceleration of electrons, and so the pro-
tons, which we refer to as the CR precursor of the shock, can

2 Gruzinov (2001) and Waxman (2004) speculate that CRs could amplify
large-scale magnetic fields in external GRB shocks.

3 Unless otherwise noted, quantities are evaluated in the upstream frame.
4 It is also implicitly assumed that some fraction of accelerated particles

can diffuse back to the shock after they find themselves in the downstream.
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FIG. 1.— Schematic representation of the reaction of the upstream plasma
to the CR streaming ahead of the shock. The figure is in the frame of the
shock so that the upstream plasma moves vertically downward. An initially
weak magnetic field loop is stretched by the Ampère force (Jret ×B)/c and
plasma is accelerated sideways as it flows toward the shock front.

reach higher energies and farther from the shock into the up-
stream. The upstream fluid sees a net positive CR current
|JCR| ∼ evsnCR in the region where it overlaps with the pre-
cursor. Here vs and nCR are the CR velocity and density. In
the upstream region, which is not accelerated to relativistic
velocities by the CR pressure, the CR velocity is about the
speed of light, vs ∼ c; thus, we have

JCR ∼ ecnCR. (4)

To maintain overall charge neutrality, the upstream re-
sponds to the CR current by supporting an opposite “return
current” Jret that short-circuits the electric field associated
with the charge separation in the CR precursor.5 If nCR is
smaller than the upstream density, the return current approxi-
mately balances the CR current,

Jret ∼ JCR. (5)

If the upstream contains a weak magnetic field, the return cur-
rent couples with this field; next we explore the consequences
of this coupling.

2.2. The Driving of Turbulence and Field Amplification
Here we argue that the return current drives turbulence in

the upstream and suggest that this turbulence leads to mag-
netic field growth on scales much larger than the proton
plasma skin depth. One type of interaction between the CR
precursor and the magnetic field of the upstream, explored by
Bell (2004, 2005) in the context of Newtonian shocks, is the
Ampère force

F =
Jret ×B

c
(6)

which accelerates the upstream perpendicular to the shock ve-
locity. We assume that the initial weak magnetic field has
power on all scales, as expected in interstellar turbulence, and
that the power on relevant scales is roughly scale-independent.

Consider a loop of radius λ of a weak initial magnetic field
B0 parallel to the shock transition that is directed clockwise as
seen from the shock, as shown in Figure 1, and assume that the
upstream is initially stationary. The Ampère force accelerates
the fluid away from the center of the loop. Bell (2004, 2005)
carried out magnetohydrodynamic (MHD) simulations of this
process; we base our estimates on his results.

5 The return current is established on the plasma time ! 10 ms which is
instantaneous compared to the light crossing time of the CR precursor.
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to the CR streaming ahead of the shock. The figure is in the frame of the
shock so that the upstream plasma moves vertically downward. An initially
weak magnetic field loop is stretched by the Ampère force (Jret ×B)/c and
plasma is accelerated sideways as it flows toward the shock front.

reach higher energies and farther from the shock into the up-
stream. The upstream fluid sees a net positive CR current
|JCR| ∼ evsnCR in the region where it overlaps with the pre-
cursor. Here vs and nCR are the CR velocity and density. In
the upstream region, which is not accelerated to relativistic
velocities by the CR pressure, the CR velocity is about the
speed of light, vs ∼ c; thus, we have

JCR ∼ ecnCR. (4)

To maintain overall charge neutrality, the upstream re-
sponds to the CR current by supporting an opposite “return
current” Jret that short-circuits the electric field associated
with the charge separation in the CR precursor.5 If nCR is
smaller than the upstream density, the return current approxi-
mately balances the CR current,

Jret ∼ JCR. (5)

If the upstream contains a weak magnetic field, the return cur-
rent couples with this field; next we explore the consequences
of this coupling.

2.2. The Driving of Turbulence and Field Amplification
Here we argue that the return current drives turbulence in

the upstream and suggest that this turbulence leads to mag-
netic field growth on scales much larger than the proton
plasma skin depth. One type of interaction between the CR
precursor and the magnetic field of the upstream, explored by
Bell (2004, 2005) in the context of Newtonian shocks, is the
Ampère force

F =
Jret ×B

c
(6)

which accelerates the upstream perpendicular to the shock ve-
locity. We assume that the initial weak magnetic field has
power on all scales, as expected in interstellar turbulence, and
that the power on relevant scales is roughly scale-independent.

Consider a loop of radius λ of a weak initial magnetic field
B0 parallel to the shock transition that is directed clockwise as
seen from the shock, as shown in Figure 1, and assume that the
upstream is initially stationary. The Ampère force accelerates
the fluid away from the center of the loop. Bell (2004, 2005)
carried out magnetohydrodynamic (MHD) simulations of this
process; we base our estimates on his results.

5 The return current is established on the plasma time ! 10 ms which is
instantaneous compared to the light crossing time of the CR precursor.

Milosaljevic & Nakar 2006 ApJ 
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Growth rates

Existence of non-resonant modes
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the NRH grows faster but produce perturbations at 
scales smaller than the CR Larmor radius, less efficient 
in particle angular scattering. 

One can rewrite the NRH growth rate in specific 
numbers (AM et al 2018 MNRAS) corresponding to fast 
shocks in young SNe.

krl ≤ 1
krl ≥ 1, krl ≤ k2rl

k2 = 4π
JCR

cB
= 2kmax

Γmax,NRH = Va
kmax

2
> ΓRes

Amato & Blasi ‘09
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The non-resonant hybrid instability in young SNe

• Growth rate:  ,  is the fraction of the shock ram pressure 

imparted into CRs, ,  is the Alfvénic Mach number (>> 1).


One gets intra day growth times in dense circus-stellar winds ( ) with low 
magnetization ( ) and fast shocks , at 1 PeV.


Saturation magnetic field:  gives 


One gets magnetic field strength of a few tens of Gauss.

Γmax =
ξCR

2ϕ
ΩL,0Ma ( vsh

c )
2

ξCR

ϕ = ln(
pmax

p0
) Ma =

vsh

Va

ρ ∼ 10−14 g/cm3

σ ∼ 10−10 vsh ∼ 0.03 − 0.1c

k2 = k1 B2
sat = 4π

ξCR

ϕ
ρ

v3
sh

c

12



Maximum energies 
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Figure 1. Main instability growth timescales as a function of
the time in days for the fiducial case SN 1993. We have assumed
⌘ = $ = 1, E = 1 PeV, � = 14, ⇠CR = 0.05.

from downstream can trigger NRS/filamentation instability
upstream. It requires long multi-scale simulations possibly
in 3D to characterize particle acceleration at highly oblique
shocks and we consider the issue still opened (see also
Caprioli et al. (2018)).

Finally, another point raised by Zirakashvili & Ptuskin
(2018) is that the wind magnetic field is radial at close dis-
tances to the progenitor star. Then, fast shocks can inject
CR e�ciently during the early shock propagation phase.
Once CRs are injected the onset of CR driven magnetic
fluctuations are able to maintain a parallel magnetic field
over some fraction of the shock front, and thereby maintain
particle injection.

4.3 CR driven wave growth in supernovae

We consider first the example of SN 1993. In figure 1 we
plot the advection time and the di↵erent growth timescales
for model P for particles with energies of 1 PeV. We find
at every times RNR <1, hence NRS modes can grow. Large
scale modes, for the adopted set of parameters, can be
produced by the filamentation instability. The oblique mode
instability and the resonant streaming instability have
growth timescales larger by a factor ⇠ 2.5 and a factor ⇠ 15

than the advection time and, for this set of parameters can
not grow. However, these timescales drop more rapidly with
time and at some stage can become shorter than the advec-
tion time. They can hence compete with the filamentation
instability to produce long-wavelength perturbations.

Table 3 shows values at t = t0 of all relevant timescales
for the other SNe in our sample. In all cases the index s
= 2 is selected. We can see that in almost all cases the
parameter RNRS is in the range 0.3-3. In these cases mag-
netic field amplification by the NRS instability seems pos-
sible given the uncertainties on the other parameters. It
also appears that the saturated magnetic field strength is
a fraction, typically about 10-20% of B0 displayed in ta-
bles 1 and 2. As Bsat,NR /

p
⇠CR doubling this percentage

would require to convert 50% of the kinetic power of the
shock into energetic particles which is unlikely. Investigating
this regime would require non-linear di↵usive shock acceler-
ation calculations, which is beyond the scope of this simple
study. However, the final saturation value can (and should)
be higher if long-wavelength modes are destabilized (note
that we have checked that in every cases where RNR < 1

we have Eth ⌧1 PeV, so the filamentation instability can
be destabilized at this energy). Finally, the transversal mag-
netic field component is compressed at the shock front. This
means that CR driven instabilities, if they can be triggered,
can contribute to at least 50% of the magnetic field strength
inferred from modeling the radio observations. Among all
sources, SN 1986J, a Type IIn SN, appears to produce the
fastest instability growth and produce the highest amplifica-
tion factor. This e↵ect is due to the high mass-loss rate and
high shock velocity in SN 1986J, which has a R0 a factor of
3.7 larger than SN 1979C at the same time t0 = 5 d. How-
ever, the results for SN 1986J have to be considered to be
optimistic. Fast mode growths are mostly due to the small
size shock value at t0 because the expansion index is close to
the Sedov value (0.69 versus 2/3). The combination of the
radio expansion and the measured VLBI radius lead to a
very high value the shock speed V0. The self-similar solution
is questioned by the fit of the X-ray emission (Dwarkadas &
Gruszko 2012) as it is the case for most of type IIn SNe. This
class requires a dedicated modeling of the shock dynamics
and the results obtained here are subject to an important
uncertainty. SN 2001gd, SN 2011dh, SN 1983N (low wind
speed solution), SN 1994I (low wind speed solution) show
instability growth timescales larger than t0 by factors < 10.
In these cases, the growth of the instability may be limited
by the age rather than a condition RNR < 1.
If the progenitor wind velocity is high, as it is the case in
Type Ib/Ic SNe, the ambient gas density drops and the NRS
growth rate also. For instance, one can see in table 4 that
SN 2003L has RNR ⇠ 40 (and Tmin,NRS ⇠ 12 days). Here,
magnetic field amplification by the NRS instability is not
likely because the advection towards the shock is too fast to
allow for NR modes to grow unless $ ⌧ 1. Another point to
be mentioned in fast progenitor wind SNe is that the param-
eter RR < RNR . In the case of SN 2003L we find RR ⇠ 5. To
illustrate this trend in table 4 we show values of Tmin,R, RR
and RNR for type Ib/Ic SNe. In the case of SN2009bb the
NRS seems to be able to amplify the magnetic field at the
shock precursor (see table 3). In this object, with respect to
type II SNe, the smallness of the €M/Vw ratio is compensated
by a shock reaching a mildly relativistic regime.
Acknowledging for these results including their limitations,
we confirm with our calculations that in order to amplify
the magnetic field by CR streaming a fast shock pervading
a dense medium is necessary.

5 MAXIMUM COSMIC RAY ENERGIES

The maximum CR (hadrons) energy is fixed by five di↵erent
processes: the shock age limitation, the finite spatial extend
of the shock, the generated current limitation, the nuclear
interaction losses, and the adiabatic losses.

To the exception of Emax,cur due to the current limi-

MNRAS 000, 000–000 (2018)

Main instability channels (adapted to SN 1993J)

NRS= non-resonant streaming 
RS= resonant streaming 
Fil=Filamentation 
OB= oblique modes  
Adv= advection time upstream
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corresponds to the amplification by a factor A of the mag-
netic field. Following Schure & Bell (2013) (their Eq. 4) the
maximum CR energy is given by the relation

Emax,cur ln

 
Emax,cur

mpc2

!
=

p
⇡⇠CR

N ⇥ q
p
⇢Rsh

V
2

sh

c
(42)

where Emax is in erg.
Finally,
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"
4.5 ⇥ 10

�19
V

2

0

N PeV

#
⇠CR0,0.05 ⇥

€M1/2
�5

V
�1/2
w,10

⇥
✓

t

t0

◆2m�ms/2�1

(43)

5.4 Maximum energy from the nuclear interaction
losses

High-energy CRs interact with ambient matter through p-
p interaction with a cross-section given by (Kafexhiu et al.
2014)

�pp ' 30 mb

⇣
1.89 + 0.18 ln(EPeV) + 6 ⇥ 10

�3
ln

2(EPeV)
⌘

⇥
 
1 � 4 ⇥ 10

�13

E
1.9
PeV

!3

= 30 mb �̄pp(EPeV) , (44)

and a loss timescale Tpp '
�
Kpp�pphnH(t)i c

��1 with Kpp ⇠ 0.2.
The hydrogen density nH in the wind is obtained from
Eq.(7), and we account for the residence times of CRs up-
stream and downstream of the shock Tu/d = 4u/d/(Vu/dc),
where Vu/d are the upstream and downstream fluid speeds
in the shock rest frame. Then the mean density experienced
by a CR during a Fermi cycle is

hnHi =
nHTu + ndTd

Tu + Td

We use nd = 4nH in the case of a weakly modified shock (see
discussion in section 4.2). We then have hnHi = 4FnH with

F =
1 + rB

4r

1 + rB/r

and nH is given by Eq.(7). Finally,
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Comparing this time with Tacc given by Eq.(16) we obtain
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5.5 Maximum energy from the adiabatic losses

Due to the rapid flow expansion CRs also su↵er from adia-
batic losses. To account for the residence of CRs upstream
and downstream of the shock we use Eq.1 of Voelk & Bier-
mann (1988) and find

TAd '

6R0

V0

r

4(r � 1) s

� ⇣
1 +

rB

r

⌘ ✓
t

t0

◆
(47)

Figure 2. Maximum CR energy limits in PeV units for the model
P as a function of time after shock breakout for the fiducial case of
SN 1993J if the background field has been amplified up to Bsat,NRS.
The dotted line plots Emax,nuc(t), the large dot-dashed line plots
Emax,adi(t), the intermediate dot-dashed line plots Emax,cur(t), the
small dot-dashed line plot Emax,esc(t), the solid line plots Emax,age(t)
The following parameters have been used: $ = 1, ⌘ = 1, N = 5,
� = 14, �̄pp=1.87.

In the case of SN 1993J we have TAd,s ⇠ 4.4 days (t/t0). The
maximum energy fixed by balancing the acceleration and
adiabatic loss timescales is

Emax,adi ' [3.8 ⇥ 10
�10

V0 PeV] M
1/2
�5

V
1/2
w,10

$

⌘
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2
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Again if the background magnetic field is Bsat,NRS then
the maximum energies limited by losses have to be multi-
plied by A, then Emax,nuc / (t/t0)3(m�1)+ms/2, and Emax,Adi /
(t/t0)3m�2�ms/2.

5.6 Time dependent maximum CR energy

In figure 2 the maximum CR energy limits
Emax,age, Emax,esc, Emax,cur, Emax,nuc and Emax,adi are shown for
model P as a function of time after the shock outburst,
for the case when the NRS instability has time to amplify
the background magnetic field to BNRS,sat. Note that T09
considered this case case only and omitted the e↵ect of
pp and adiabatic losses. Figure 3 shows the maximum CR
energy limits Emax,age, Emax,esc, Emax,nuc and Emax,adi in the
case when the background magnetic field is assumed to be
the wind field.

At a given time t the maximum CR energy is Emax(t) =
Min(Emax,age,Emax,esc,Emax,cur,Emax,nuc,Emax,adi). If the NRS
instability is active in the CR precursor, as soon as Emax,cur <
Emax,age�a then Emax = Emax,cur. This occurs at t > 1.1t0 in
figure 2, and the peak value for Emax ⇠ 2 PeV which then
drops as t

�0.17. At t = 10 days (t = 100 days), we have
Emax ⇠ 1.4 PeV (Emax ⇠ 0.9 PeV). We find Emax ⇠ 680 TeV
after one year, which is comparable, within a factor of 2,
with values derived by Schure & Bell (2013) for SN shocks

MNRAS 000, 000–000 (2018)

Maximum CR énergies (adapted to SN 1993 J)

Current limited losses rapidly dominate

AM+2018, results that need to be tested including 
CR back reaction (see Inoue et al 2021, next)
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Radiation hydrodynamics simulations of red supergiant (Betelgeuse) stellar surface (Chiavassa & Freytag) 



All loosely known parameters but essential to constrain particle acceleration 


• Mass loss rates + wind speeds => mean density as 


• Wind magnetic field strength (and topology) => wind magnetization, shock Alfvénic Mach 
number, shock magnetic obliquity.


• Wind gas temperature => thermal effects over instability growth (expected to be weak in 
these cases, T <  K).

ρ ∝ A =
·M

vw

105

Circum-stellar winds

15



Mass loss rates / wind speeds 
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16 N. Smith

Fig. 3 Plot of mass-loss rate as a function of wind velocity, comparing values for interacting SNe
to those of known types of stars. The solid colored regions correspond to values for various types
of evolved massive stars taken from the review about mass-loss by Smith (2014), corresponding to
AGB and super-AGB stars, red supergiants (RSGs) and extreme RSGS (eRSG), yellow supergiants
(YSG), yellow hypergiants (YHG), LBV winds and LBV giant eruptions, binary Roche-lobe over-
flow (RLOF), luminous WN stars with hydrogen (WNH), and H-free WN and WC Wolf-Rayet
(WR) stars. A few individual stars with well-determined very high mass-loss rates are shown with
circles (VY CMa, IRC+10420, η Car’s eruptions, and P Cyg’s eruption). Also shown with X’s are
some representative examples of SNe IIn (and one SN Ibn) that have observational estimates of
the pre-shock CSM speed from the narrow emission component as measured in moderately high
resolution spectra as well as estimates of the progenitor mass-loss required, taken from the litera-
ture. The diagonal lines are wind density parameters (w=Ṁ/VCSM) of 5×1016 and 5×1015 g cm−1,
which are typically the lowest wind densities required to make a SN IIn. Values are taken from the
literature; this figure is from a paper in prep. by the author. Note that in some cases, an observa-
tionally derived value for the mass of the CSM has been converted to a mass-loss rate with a rough
estimate of the time elapsed since ejection.

shock wind (or shell) expansion speed and the inferred mass-loss rate, as compared
to expected mass-loss from known types of stars. The shaded and colored regions
in this figure show rough parameters for different classes of evolved massive stars
that are potential SN progenitors with strong winds. These are taken from the recent
review by Smith (2014); see the caption for definitions. In this plot, a given wind

Red supergiant :  ,  
Wolf-Rayet have faster winds about 1000 km/s or more 
Some LBV eruption produce up to a fraction of solar mass loss /years

·M ∼ 10−6 − 10−4 M⊙/yr vw ∼ 10 − 20km/sSmith 2016 Handbook of Supernovae

Debates about enhanced mass loss rates in RSG x 100-1000, up to a few 
tens of years prior ro the explosion  

Figure 4: Distribution of inferred � and Ṁ values for the sample of 26 early SNe II candidates

from HiTS, as well as selected SNe II from the literature with well sampled optical early light

curves (see Figure ). The error bars correspond to the percentiles 5, 50 and 95 of the marginalized

posterior distributions in � and Ṁ . Note that the available models range from no mass loss, which

we arbitrarily assign 10�8 M� yr�1, to larger values in a grid between 10�5 and 10�2 M� yr�1.

Models between 10�8 and 10�5 M� yr�1 are logarithmically interpolated between the zero and

10�5 M� yr�1 mass loss models.

32

Forster et al 2018 Nat Comm

collapse. The final progenitor properties are summarized in Table 1.

A CSM structure with density ⇢CSM(r) = Ṁ/(4⇡vwind)r�2 is attached on top of these progenitors.

Here, Ṁ is the progenitor’s mass-loss rate, r is the distance from the center of the star and vwind is the wind

velocity. We do not change Ṁ with r in our models. Instead of Ṁ , we take the radial change of vwind

caused by the wind acceleration into account. The simple � velocity law for the wind velocity, i.e.,

vwind(r) = v0 + (v1 � v0)

✓
1 � R0

r

◆�

, (1)

where v0 is the initial wind velocity, v1 is the terminal wind velocity, and R0 is the wind launching radius

that we set at the stellar surface, is adopted. v1 = 10 km s�1 is fixed in our models. v0 is chosen so that the

CSM density is smoothly connected from the surface of the progenitors and it is less than 10�2 km s�1. We

take � between 1 and 5 because OB stars have � ' 0.5 � 1 41 and RSGs are known to experience slower

wind acceleration than OB stars, i.e., � > 1 e.g. 42, 43. For instance, a RSG ⇣ Aurigae is known to have

� ' 3.5 44.

RSG mass loss rates are known to be dependent on the luminosity of the progenitor star, but esti-

mations differ greatly in the literature. For the typical luminosities observed in RSG SN II progenitors,

between 104 an 105 L�
11, derived mass mass loss rates range from between 10�7 and 10�6

M� yr�1 45 to

between 10�5 and 10�4
M� yr�1 46. The M18 models assume a wider range of mass loss rates, including

zero mass loss and a range of values between 10�5 and 10�2
M� yr�1, always assuming enhanced mass

loss episodes before explosion extending up to 1015 cm from the progenitor. Note that a shock travelling

at 10,000 km/s would take about 11 days to cover 1015 cm. Recent optical and X-ray modeling of the SN

IIP 2013ej suggests that the dense CSM radius may be relatively small (1014 cm), although there are some

model uncertainties 47.

Hydrodynamics and radiative transfer The LCs from the explosions of the above mentioned pro-

genitors with CSM are numerically obtained by using the one-dimensional multi-group radiation hydrody-

namics code STELLA 48–50. STELLA follows the evolution of the spectral energy distributions (SEDs) at

each time step and the multi-color LCs from the explosions are obtained by convolving the filter functions

to the numerical SEDs. We use the standard setup for the SED resolution, i.e., 100 bins that are distributed

9
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Strength Topology
286 W.H.T. Vlemmings: Magnetic fields around late-type stars

Fig. 3. Magnetic field strength, B, as function of
distance, R, from the centre of the star. Dashed-
dotted boxes are the estimates for the magnetic
fields in the OH and SiO maser regions of Mira
stars, solid boxes are those for the supergiants. The
dashed-dotted line indicates a solar-type magnetic
field and the dotted line indicates the dipole field.
The solid symbols are the stars observed during our
first observations (U Her: triangles; S Per: squares;
VY CMa: crosses and NML Cyg: hexagonals). The
open symbols indicate the stars of the sample ob-
served during our second observations (U Her: tri-
angle; VX Sgr: hexagonal and U Ori: circle). Note
that the open triangle only indicates the upper limit
determined for the most recent observation of UHer.
Also note that the magnetic field strength observed
on the OH masers of U Ori is larger than the typi-
cally observed fields for Mira variables. The dashed
lines represent estimates of the stellar radius.

Garcı́a-Segura 1997). Strong, large scale, mag-
netic fields around AGB stars could directly af-
fect the fast wind that shapes the PN or could
have shaped the initial matter distribution dur-
ing the slow wind. For instance, a dipole field
has been shown to be able to create an equato-
rial, possibly warped, disk (Matt et al. 2000).
Interactions with a warped disk have been
shown to be able to form multipolar PNe (Icke
2003).

5. Conclusions
We have measured the strong magnetic field
around a sample of late-type stars using ob-
servations of the circular polarization of their
H2O masers. Observations of VX Sgr also in-
dicate that the magnetic field has a dipole shape
that can be responsible for shaping the outflow.
For the lower mass late-type stars the magnetic
field can be the cause of aspherical PNe.
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Table 1. Log of observations of Betelgeuse (for details, see Sect. 2).

Date HJD Tot exp. Bℓ σ
(2 450 000+) s G G

14 March 2010 5270.397 320 0.49 0.16
15 March 2010 5271.372 320 0.89 0.15
17 March 2010 5273.311 256 0.74 0.21
22 March 2010 5278.362 316 1.07 0.15
09 April 2010 5296.318 320 1.58 0.14
17 April 2010 5304.336 272 1.61 0.19

the physical parameters of Betelgeuse (Josselin & Plez 2007;
Lambert et al. 1984). The mask contains about 15 000 atomic
lines with a central depth greater than 40% of the continuum.

From these mean Stokes profiles, we computed the surface-
averaged longitudinal magnetic field Bℓ in G, using the first-
order moment method (Rees & Semel 1979), adapted to LSD
profiles (Donati et al. 1997; Wade et al. 2000). The measure-
ments of Bℓ are presented in Table 1 with their 1σ error in G.
These errors are computed from photon statistical error bars
propagated when reducing the polarization spectra and comput-
ing the LSD profiles (Donati et al. 1997).

3. Results of the observations

3.1. Zeeman detection of a weak magnetic field
on Betelgeuse

Each night, a characteristic magnetic Stokes V signature ap-
pears on the average of the obtained LSD profiles, giving a
definitive detection when using the LSD statistical detection
criteria (Donati et al. 1997). The upper part of Fig. 1 shows
the S/N2-weighted average of the 16 LSD profiles obtained on
15 March 2010 for Betelgeuse. The averaged Stokes V pro-
file shows a definite Zeeman detection with a reduced χ2 equal
to 3. The polarization signal is weak with an amplitude of about
3 × 10−5 of the continuum. Figure 2 shows the LSD-averaged
Stokes V and diagnostic N profiles for the 6 dates of observa-
tions. Table 1 shows that the corresponding surface-averaged
longitudinal magnetic field Bℓ is about 1 G. Even weaker
Zeeman detections than in Betelgeuse were observed in Pollux
(Aurière et al. 2009) and Vega (Lignières et al. 2009). For com-
parison, the lower part of Fig. 1 shows the averaged LSD profiles
we obtained for the K5III giant Aldebaran the same night and for
similar S/N (16 spectra were averaged): in this case, no Stokes V
signal was obtained.

3.2. Possible variation of the magnetic field and associated
measurements

Table 1 shows an increase in the values of Bℓ measured over
the span of observations. The variation is at the 5σ level if the
numbers for first and last observations are taken at face value.
Figure 3 presents the associated plot of Bℓ variations. In Fig. 2,
the shape of the Stokes V profile appears to change between
March and April. A month-scale variation of the magnetic field
is therefore suggested, but it needs to be confirmed.

In addition, we measured the radial velocity of Betelgeuse
and investigated the CaII H&K profiles for each night. The ra-
dial velocity RV of Betelgeuse was measured from the averaged
LSD Stokes I profiles using a Gaussian fit. The long-term sta-
bility of NARVAL is about 30 m s−1 (Aurière et al. 2009), but

Fig. 1. Mean LSD profiles of Betelgeuse (upper figure, definitive
Zeeman detection) and Aldebaran (lower figure, no Zeeman detection)
as obtained with NARVAL on 15 March 2010. For each figure and from
top to bottom are: Stokes V , zero polarization N, and Stokes I profiles.
For display purposes, the profiles are shifted vertically, and the Stokes V
and diagnostic N profiles are expanded by a factor of 5000. The dashed
line illustrates the zero level for the Stokes V and zero polarization N
profiles.

the absolute uncertainty of individual measurements relative to
the local standard of rest is about 1 km s−1. In March, RV was
found to be constant, at about 24.75 km s−1. On our April obser-
vations, RV was found to decrease by about 1 km s−1. As to the
CaII H&K lines, in March our spectra looked similar to those
presented by Toussaint & Reimers (1989) but with an opposite
V/R asymmetry (ratio between the violet (V) and red (R) com-
ponents of the double-peaked emission line). Some decrease in
the emission in CaII H&K appears to occur in April compared
to its level in March.

4. The magnetic field of Betelgeuse

4.1. The context of stellar magnetism

The observational knowledge of the stellar magnetic fields
has improved tremendously these past years, in particular for
main-sequence and pre-main-sequence stars (e.g. MAPP project,
Donati et al. 2010) mostly thanks to the improvement in in-
strumental performances (Donati & Landstreet 2009). As to the

Page 2 of 4

Stellar surface longitudinal MF strengths Aurière et al 2010 A&A 

In the wind: estimations based on equipartition between MF and 
kinetic wind energy (Bjornsson & Fransson 1998 ApJ) 

 @  using typical RSG winds parameters.Beq ≃ 0.03 Gauss 1015cm

Turbulent motions have been found in Antarès RSG (Ohnaka et al 2017): tangled magnetic field ?
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Smith et al. (2011)
MNRAS, 412, 1522

Large galaxies, roughly Z¤

SN subtype fractions
from the Lick Observatory 
Supernova Search

MWR (or higher mass for 
lower mass-loss 
rates or lower Z)

Way too many stripped-
envelope SNe
(even worse if you include 
SNe IIb…or if mass-loss 
rates are lower … or if high 
mass stars have failed SNe).  

Cannot make enough with 
single-star mass loss.  Most 
SNe Ibc+IIb must be from 
binaries.
(Smith et al. 2011)

Supernovae fraction 
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Fig. 2. Radio light curves for SN 1993J at 0.3, 1.2, 2, 3.6, 6, and 20 cm. The data are from Weiler et al. (2007) and references therein. The solid
lines represent the best-fit semi-empirical model of these authors. The dotted lines show a synchrotron self-absorption (SSA) model in which
the SSA optical depth and the unabsorbed flux density were obtained from fits to radio spectra taken between day 75 and day 923 after outburst
(see Sect. 2.3). The difference between the latter model and the data before day 100 is partly due to free-free absorption of the radio emission in
the CSM.

out by Weiler et al. (2002), no evidence for such a radial depen-
dence of TCSM is found in other radio SNe (e.g. SN 1979C and
SN 1980K).

Immler et al. (2001) provided support from X-ray observa-
tions to the scenario of a flatter CSM density profile, as they
found s = 1.63 from modeling of the observed X-ray light curve.
Their analysis assumes that the X-ray emission arises from the
forward, circumstellar shock. But later than ∼200 days post-
outburst, the X-ray radiation was more likely produced in the
SN ejecta heated by the reverse shock (Fransson & Björnsson
2005, and references therein).

With the model of the present paper, the measured radio light
curves can be well explained with the standard s = 2 assumption,
but not with a much flatter CSM density profile. This result is
independent of the admittedly uncertain FFA modeling, as we
will see in Sect. 4.1 that with s = 1.6 the optically thin emission
cannot be simultaneously reproduced at all wavelengths in the
framework of the model (see Fig. 14). So the question is how a
ρCSM ∝ R−2 density profile can be reconciled with the relatively
low value of δ implied by the data.

A possible explanation is that the absorbing CSM is inhomo-
geneous. Both radio (Weiler et al. 1990) and optical and UV (e.g.
Tran et al. 1997) observations show that the wind material lost
from SN progenitors can be clumpy and/or filamentary. FFA of
the radio emission by a nonuniform CSM can be accounted for
by an attenuation factor of the form [1 − exp(−τclumps

CSM )]/τclumps
CSM ,

where τclumps
CSM is the maximum of the optical depth distribution,

which depends on the number density and geometric cross sec-
tion of the clumps of wind material (Natta & Panagia 1984;

Weiler et al. 2002). Weiler et al. (2007) performed an overall
fit to all of the measured radio light curves of SN 1993J using a
parametrized model that takes into account both SSA and FFA,
and includes both attenuation by a homogeneous and inhomo-
geneous CSM (see Appendix A). In their best-fit model (solid
lines in Fig. 2), FFA is mainly due to the clumpy CSM, the cor-
responding optical depth, τclumps

CSM , being much larger than τhomog
CSM

in the optically thick phase for all wavelengths (see Table 4 in
Weiler et al. 2007).

In view of these results, we are going to neglect in first ap-
proximation the attenuation of the radio emission by the homo-
geneous component of the CSM in front of the attenuation by
the clumpy CSM, which will allow us to derive in a simple way
and self-consistently the mass loss rate of the progenitor star and
the structure of the radio emission region (see below). We antici-
pate, however, that the adopted simple FFA model will not allow
us to accurately reproduce the rising branches of the light curves
in the optically thick phase.

Following Weiler et al. (1986, 2002), the optical depth pro-
duced by FFA in a clumpy presupernova wind can be written as

τclumps
CSM !

!
ṀRSG

4π fcluwmH

"2!1 + 2X
1 + 4X

"!
κf−f

3R3
0

"!
t

1 day

"−3m

, (6)

with, for a uniform TCSM,

κf−f = 6.34 × 10−29
!
ν

5 GHz

"−2.1! TCSM

2 × 105 K

"−1.35

cm5. (7)
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protons into the acceleration process. The nonthermal electrons
suffer both adiabatic and radiative losses during their advection
downstream the shock, which modify their energy distribution.
The hydrodynamic evolution of the postshock plasma is calcu-
lated by assuming that the SN expansion is self-similar. The
relativistic electrons emit synchrotron radiation in the ambient
magnetic field and the corresponding radio emission is worked
out from radiative transfer calculations that include the process
of synchrotron self-absorption. The magnetic field amplification
associated with the efficient production of cosmic-rays is not cal-
culated in the framework of the model, but instead the strength of
the amplified field is determined from a fit to the radio data. The
model contains three other parameters to be fitted to the data: the
shocked proton and electron injection rates into the DSA process
and the mass loss rate of the SN progenitor.

The extensive radio observations of SN 1993J make this ob-
ject a unique “laboratory” to study cosmic-ray acceleration in
a SN shock. In particular, the VLBI imaging observations that
resulted in detailed measurements of the SN expansion are of
prime interest for the DSA theory. By applying the model to
both the high-resolution brigthness profile at 3.6 cm measured
by Biethenholz et al. (2003) and radio light curves at six fre-
quencies reported by Weiler et al. (2007), I have obtained the
following main conclusions:

1. The CSM density profile is consistent with a constant,
steady wind of the red supergiant progenitor of the SN for
∼9000 years before explosion. Contrary to previous claims,
SN 1993J is not markedly different from the other studied
radio SNe with regards to the mass loss evolution of the
progenitor star. The best-fit mass-loss rate is ṀRSG = 3.8 ×
10−5 M⊙ yr−1 for the assumed stellar wind terminal velocity
u w = 10 km s−1 and CSM temperature TCSM = 2 × 105 K.

2. The observed morphology of the radio emission provides ev-
idence that part of the synchrotron radiation (≈17% of the
total flux density at day 2787 post-outburst) is produced by
electrons accelerated at the reverse shock.

3. The best-fit rate of injection of cosmic-ray protons into the
DSA process at the forward shock is ηp

inj = 10−4, with an
estimated error of a factor of two. The calculated fraction of
the total incoming energy flux converted by the blast wave to
cosmic-ray energy during the first ∼8.5 years after explosion
is ⟨ϵnt⟩ = 19%. The shock modification induced by the back-
pressure from the accelerated ions is increasing with time af-
ter outburst. However, the cosmic-ray pressure accounts for
less than 20% of the total postshock pressure at all times,
such that the shock modification remains relatively weak.

4. The best-fit cosmic-ray electron injection rate is ηe
inj = 1.1 ×

10−5 and the calculated electron-to-proton density ratio at
10 GeV is Kep ≈ 2×10−3. The obtained value of Kep is lower
than that measured in the Galactic cosmic-rays near Earth,
≈10−2. The latter number, however, results from cosmic-ray
transport in the Galaxy and therefore is probably not indica-
tive of the relativistic electron-to-proton ratio at the source
of cosmic-ray acceleration.

5. The synchrotron energy losses suffered by the radiating elec-
trons in the postshock magnetic field are important for the
modeling of both the radio light curves and the morphol-
ogy of the radio emission. The inferred magnetic field is
broadly consistent with that expected from an amplification
in the shock precursor region by the nonresonant regime
of the cosmic-ray streaming instability. The magnetic field
immediately upstream from the subshock is found to be
Bu = Bu 0(t/1 day)b with b ≈ −1 and Bu 0 = 50 ± 20 G. The

measured field strength is higher by a factor of 2 to 5 than
the saturated value of the turbulent magnetic field predicted
from the model of Bell (2004) for the turbulence generation.
The energy density in the amplified magnetic field is found
to obey the relation

B2
u

8π
≈ 10−1PCR

!
Vs

3 × 104 km s−1

"
· (58)

6. The turbulent magnetic field amplified in the precursor re-
gion is not damped behind the shock (as proposed by Pohl
et al. 2005, for Galactic SNRs) but essentially carried along
by the plasma flow in the downstream region.

7. The magnetic field amplification increases the DSA rate,
thus allowing the rapid acceleration of cosmic-ray protons to
energies well above 1015 eV. The proton maximum energy is
find to be limited by the finite confinement size of the shock,
which implies that the highest-energy cosmic rays continu-
ously escaped the acceleration region from upstream during
the first ∼8.5 years after explosion. After that time, when the
blast wave passed the limit of the dense CSM established by
a stage of high mass loss from the red supergiant progenitor
prior to explosion, an additional number of very-high energy
protons probably escaped into the interstellar medium. The
results obtained for this SN provide support to the model
of Völk & Biermann (1988) and Biermann (1993) that the
Galactic cosmic-rays above ∼1015 eV are accelerated in the
explosion of massive stars, during the early stage of interac-
tion of the SN ejecta with the progenitor wind.

8. The early emission from SN 1993J of TeV gamma-rays pro-
duced in hadronic collisions of accelerated cosmic-rays with
ambient material was strongly attenuated by pair production
in the dense radiation field from the SN ejecta. The flux at
Earth of photons of energy above 1 TeV reached a maxi-
mum of only ≈4 × 10−15 cm−2 s−1 at day ∼270 after explo-
sion. Above 1 GeV, the flux is found to be Fγ(> 1 GeV) ≈
2×10−9(t/1 day)−1 cm−2 s−1. This result suggests that type II
SNe could be detected in π0-decay gamma-rays with the
Fermi Gamma-ray Space Telescope out to a maximum dis-
tance of only ∼1 Mpc.
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Appendix A: Magnetic field evolution
from the parametric model of Weiler et al.

Weiler et al. (1986, 2002, and references therein) have developed
a semi-phenomenological model to described the light curves of
radio SNe. In this model, the flux density at a given frequency ν
and time t after outburst can be expressed as

F(mJy) = K1

!
ν

5 GHz

"α! t
1 day

"β
Ahomog

CSM Aclumps
CSM ASSA, (A.1)

where

Ahomog
CSM = exp

#
−τhomog

CSM

$
, (A.2)

210 V. Tatischeff: Radio emission and nonlinear diffusive shock acceleration in SN 1993J

protons into the acceleration process. The nonthermal electrons
suffer both adiabatic and radiative losses during their advection
downstream the shock, which modify their energy distribution.
The hydrodynamic evolution of the postshock plasma is calcu-
lated by assuming that the SN expansion is self-similar. The
relativistic electrons emit synchrotron radiation in the ambient
magnetic field and the corresponding radio emission is worked
out from radiative transfer calculations that include the process
of synchrotron self-absorption. The magnetic field amplification
associated with the efficient production of cosmic-rays is not cal-
culated in the framework of the model, but instead the strength of
the amplified field is determined from a fit to the radio data. The
model contains three other parameters to be fitted to the data: the
shocked proton and electron injection rates into the DSA process
and the mass loss rate of the SN progenitor.

The extensive radio observations of SN 1993J make this ob-
ject a unique “laboratory” to study cosmic-ray acceleration in
a SN shock. In particular, the VLBI imaging observations that
resulted in detailed measurements of the SN expansion are of
prime interest for the DSA theory. By applying the model to
both the high-resolution brigthness profile at 3.6 cm measured
by Biethenholz et al. (2003) and radio light curves at six fre-
quencies reported by Weiler et al. (2007), I have obtained the
following main conclusions:

1. The CSM density profile is consistent with a constant,
steady wind of the red supergiant progenitor of the SN for
∼9000 years before explosion. Contrary to previous claims,
SN 1993J is not markedly different from the other studied
radio SNe with regards to the mass loss evolution of the
progenitor star. The best-fit mass-loss rate is ṀRSG = 3.8 ×
10−5 M⊙ yr−1 for the assumed stellar wind terminal velocity
u w = 10 km s−1 and CSM temperature TCSM = 2 × 105 K.

2. The observed morphology of the radio emission provides ev-
idence that part of the synchrotron radiation (≈17% of the
total flux density at day 2787 post-outburst) is produced by
electrons accelerated at the reverse shock.

3. The best-fit rate of injection of cosmic-ray protons into the
DSA process at the forward shock is ηp

inj = 10−4, with an
estimated error of a factor of two. The calculated fraction of
the total incoming energy flux converted by the blast wave to
cosmic-ray energy during the first ∼8.5 years after explosion
is ⟨ϵnt⟩ = 19%. The shock modification induced by the back-
pressure from the accelerated ions is increasing with time af-
ter outburst. However, the cosmic-ray pressure accounts for
less than 20% of the total postshock pressure at all times,
such that the shock modification remains relatively weak.

4. The best-fit cosmic-ray electron injection rate is ηe
inj = 1.1 ×

10−5 and the calculated electron-to-proton density ratio at
10 GeV is Kep ≈ 2×10−3. The obtained value of Kep is lower
than that measured in the Galactic cosmic-rays near Earth,
≈10−2. The latter number, however, results from cosmic-ray
transport in the Galaxy and therefore is probably not indica-
tive of the relativistic electron-to-proton ratio at the source
of cosmic-ray acceleration.

5. The synchrotron energy losses suffered by the radiating elec-
trons in the postshock magnetic field are important for the
modeling of both the radio light curves and the morphol-
ogy of the radio emission. The inferred magnetic field is
broadly consistent with that expected from an amplification
in the shock precursor region by the nonresonant regime
of the cosmic-ray streaming instability. The magnetic field
immediately upstream from the subshock is found to be
Bu = Bu 0(t/1 day)b with b ≈ −1 and Bu 0 = 50 ± 20 G. The

measured field strength is higher by a factor of 2 to 5 than
the saturated value of the turbulent magnetic field predicted
from the model of Bell (2004) for the turbulence generation.
The energy density in the amplified magnetic field is found
to obey the relation
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6. The turbulent magnetic field amplified in the precursor re-
gion is not damped behind the shock (as proposed by Pohl
et al. 2005, for Galactic SNRs) but essentially carried along
by the plasma flow in the downstream region.

7. The magnetic field amplification increases the DSA rate,
thus allowing the rapid acceleration of cosmic-ray protons to
energies well above 1015 eV. The proton maximum energy is
find to be limited by the finite confinement size of the shock,
which implies that the highest-energy cosmic rays continu-
ously escaped the acceleration region from upstream during
the first ∼8.5 years after explosion. After that time, when the
blast wave passed the limit of the dense CSM established by
a stage of high mass loss from the red supergiant progenitor
prior to explosion, an additional number of very-high energy
protons probably escaped into the interstellar medium. The
results obtained for this SN provide support to the model
of Völk & Biermann (1988) and Biermann (1993) that the
Galactic cosmic-rays above ∼1015 eV are accelerated in the
explosion of massive stars, during the early stage of interac-
tion of the SN ejecta with the progenitor wind.

8. The early emission from SN 1993J of TeV gamma-rays pro-
duced in hadronic collisions of accelerated cosmic-rays with
ambient material was strongly attenuated by pair production
in the dense radiation field from the SN ejecta. The flux at
Earth of photons of energy above 1 TeV reached a maxi-
mum of only ≈4 × 10−15 cm−2 s−1 at day ∼270 after explo-
sion. Above 1 GeV, the flux is found to be Fγ(> 1 GeV) ≈
2×10−9(t/1 day)−1 cm−2 s−1. This result suggests that type II
SNe could be detected in π0-decay gamma-rays with the
Fermi Gamma-ray Space Telescope out to a maximum dis-
tance of only ∼1 Mpc.
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Appendix A: Magnetic field evolution
from the parametric model of Weiler et al.

Weiler et al. (1986, 2002, and references therein) have developed
a semi-phenomenological model to described the light curves of
radio SNe. In this model, the flux density at a given frequency ν
and time t after outburst can be expressed as

F(mJy) = K1
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Here, K1 represents the unabsorbed flux density in mJy, and K2,
K3, and K5 are the optical depths for attenuation by a homo-
geneous absorbing CSM, a clumpy or filamentary CSM, and
internal SSA, respectively, at day one after outburst and for
ν = 5 GHz. The parameters δ, δ′, and δ′′ describe the time
dependance of the optical depths τhomog

CSM , τclumps
CSM , and τSSA. The

parameters α and β are the spectral index and rate of decline,
respectively, in the optically thin phase. The model thus con-
tains nine free parameters to be determined from fits to the data.
The best-fit parameters can then be related to physical quantities
in the system (see, e.g., Sect. 2.2 for the presupernova mass-
loss rate). Other attenuation processes were taken into account
for some SNe, e.g. FFA by an ionized medium on the light of
sight far from the SN progenitor, but there are not important for
SN 1993J (Weiler et al. 2007).

We show here that an estimate of the mean magnetic field
strength in the radio emission region, ⟨B⟩, can be obtained from
a comparison of this parametric model with the SSA model of
Chevalier (1998). In the latest formalism, the synchrotron emis-
sion is produced by relativistic electrons having a power-law en-
ergy distribution: Ne(E) = N0E−γ, where the spectral index γ
is independent of time. The emitting spherical shell is approx-
imated by a planar region in the plane of the sky with an area
πR2, where R is the radius. In the absence of FFA by an external
medium, the observable flux density can be written as

Fν = Sν[1 − exp(−τSSA)], (A.8)

with

Sν =
πR2

D2

c5(γ)c9(γ)
c6(γ)c′9(γ)

⟨B⟩−1/2
!
ν

2c1

"5/2

, (A.9)

where D is the source distance, the constant c1 = 6.26 × 1018 in
cgs units, c5(γ), c6(γ), and c9(γ) are tabulated as a function of γ
by Pacholczyk (1970) and

c′9(γ) =
√
π

2
Γ[(γ + 6)/4]
Γ[(γ + 8)/4]

, (A.10)

Γ being the gamma function. The factors c9(γ) and c′9(γ) arise
from the averaging of the synchrotron emission and absorption

Table A.1. Parameter c(γ) for use in Eq. (A.12).

γ 1.5 2 2.5 3 3.5 4 4.5
c(γ) 0.724 0.492 0.367 0.289 0.236 0.197 0.169

coefficients, respectively, over the particle pitch angle φ (Longair
1994)7. We note that

c5(γ)c9(γ)
c6(γ)c′9(γ)

= 3.49 × 1017c(γ) (cgs units), (A.11)

where the expression for c(γ) can be found in Fransson &
Björnsson (1998, Eq. (29)). Calculated values of c(γ) are given
in Table A.1 for seven values of γ. By equating the flux density
from Eq. (A.8) with the one obtained from the model of Weiler
et al. (Eq. (A.1)) for Ahomog

CSM = Aclumps
CSM = 1, we get

⟨B⟩ = 0.135c(γ)2
!

R0

1014 cm

"4! D
1 Mpc

"−4!K5

K1

"2

×
!

t
1 day

"4m−2(β−δ′′)
G, (A.12)

where we have identified the radius R with the forward shock
radius Rs = R0(t/1 day)m.

Equation (A.12) can in principle provide an estimate of the
mean magnetic field in the synchrotron-emitting region as a
function of the fitted parameters K1, K5, β, and δ′′. But in the
case of combined SSA and FFA, the result strongly depends
on the FFA model, which is uncertain (Sect. 2.2). Thus, with
the best-fit parameters β = −0.73 and δ′′ = −2.05 obtained
for SN 1993J by Weiler et al. (2007), one gets the unreason-
able time dependence ⟨B⟩ ∝ t0.68 (for m = 0.83). We argue in
Sect. 4.3 that magnetic field amplification by cosmic-ray stream-
ing should lead to ⟨B⟩ ∝ t−b with b ≈ 1, as long as the shock is
not strongly modified by the back pressure from the energetic
ions. Thus, we expect the relation

β − δ′′ ≈ 4m + 1
2

(A.13)

to hold in most of the cases. Using this constraint in the fitting
procedure could allow to better determine the physical parame-
ters of radio SNe, in particular the mass loss rate of the progeni-
tor star.

Appendix B: Radiative transfer calculations

The synchrotron emission coefficient (in erg cm−3 s−1 sr−1 Hz−1)
averaged over the pitch angle is given as a function of radius by
(see, e.g., Pacholczyk 1970)

ϵν(R) =
1

8π

# π

0
sin φdφ

# ∞

0
pν(E, φ,R)Ne(E,R)dE (B.1)

and the absorption coefficient (cm−1) by

κν(R) = − c2

8πν2

# π

0
sin φdφ

# ∞

0
pν(E, φ,R)E2

× ∂
∂E

!
Ne(E,R)

E2

"
dE, (B.2)

7 These quantities were not taken into account by Chevalier (1998),
who made the approximation of replacing ⟨B⟩ sinφ by ⟨B⟩.
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Here, K1 represents the unabsorbed flux density in mJy, and K2,
K3, and K5 are the optical depths for attenuation by a homo-
geneous absorbing CSM, a clumpy or filamentary CSM, and
internal SSA, respectively, at day one after outburst and for
ν = 5 GHz. The parameters δ, δ′, and δ′′ describe the time
dependance of the optical depths τhomog

CSM , τclumps
CSM , and τSSA. The

parameters α and β are the spectral index and rate of decline,
respectively, in the optically thin phase. The model thus con-
tains nine free parameters to be determined from fits to the data.
The best-fit parameters can then be related to physical quantities
in the system (see, e.g., Sect. 2.2 for the presupernova mass-
loss rate). Other attenuation processes were taken into account
for some SNe, e.g. FFA by an ionized medium on the light of
sight far from the SN progenitor, but there are not important for
SN 1993J (Weiler et al. 2007).

We show here that an estimate of the mean magnetic field
strength in the radio emission region, ⟨B⟩, can be obtained from
a comparison of this parametric model with the SSA model of
Chevalier (1998). In the latest formalism, the synchrotron emis-
sion is produced by relativistic electrons having a power-law en-
ergy distribution: Ne(E) = N0E−γ, where the spectral index γ
is independent of time. The emitting spherical shell is approx-
imated by a planar region in the plane of the sky with an area
πR2, where R is the radius. In the absence of FFA by an external
medium, the observable flux density can be written as

Fν = Sν[1 − exp(−τSSA)], (A.8)

with

Sν =
πR2
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c5(γ)c9(γ)
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where D is the source distance, the constant c1 = 6.26 × 1018 in
cgs units, c5(γ), c6(γ), and c9(γ) are tabulated as a function of γ
by Pacholczyk (1970) and

c′9(γ) =
√
π

2
Γ[(γ + 6)/4]
Γ[(γ + 8)/4]

, (A.10)

Γ being the gamma function. The factors c9(γ) and c′9(γ) arise
from the averaging of the synchrotron emission and absorption

Table A.1. Parameter c(γ) for use in Eq. (A.12).

γ 1.5 2 2.5 3 3.5 4 4.5
c(γ) 0.724 0.492 0.367 0.289 0.236 0.197 0.169

coefficients, respectively, over the particle pitch angle φ (Longair
1994)7. We note that

c5(γ)c9(γ)
c6(γ)c′9(γ)

= 3.49 × 1017c(γ) (cgs units), (A.11)

where the expression for c(γ) can be found in Fransson &
Björnsson (1998, Eq. (29)). Calculated values of c(γ) are given
in Table A.1 for seven values of γ. By equating the flux density
from Eq. (A.8) with the one obtained from the model of Weiler
et al. (Eq. (A.1)) for Ahomog
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where we have identified the radius R with the forward shock
radius Rs = R0(t/1 day)m.

Equation (A.12) can in principle provide an estimate of the
mean magnetic field in the synchrotron-emitting region as a
function of the fitted parameters K1, K5, β, and δ′′. But in the
case of combined SSA and FFA, the result strongly depends
on the FFA model, which is uncertain (Sect. 2.2). Thus, with
the best-fit parameters β = −0.73 and δ′′ = −2.05 obtained
for SN 1993J by Weiler et al. (2007), one gets the unreason-
able time dependence ⟨B⟩ ∝ t0.68 (for m = 0.83). We argue in
Sect. 4.3 that magnetic field amplification by cosmic-ray stream-
ing should lead to ⟨B⟩ ∝ t−b with b ≈ 1, as long as the shock is
not strongly modified by the back pressure from the energetic
ions. Thus, we expect the relation

β − δ′′ ≈ 4m + 1
2

(A.13)

to hold in most of the cases. Using this constraint in the fitting
procedure could allow to better determine the physical parame-
ters of radio SNe, in particular the mass loss rate of the progeni-
tor star.

Appendix B: Radiative transfer calculations

The synchrotron emission coefficient (in erg cm−3 s−1 sr−1 Hz−1)
averaged over the pitch angle is given as a function of radius by
(see, e.g., Pacholczyk 1970)

ϵν(R) =
1

8π
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0
sin φdφ

# ∞
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pν(E, φ,R)Ne(E,R)dE (B.1)

and the absorption coefficient (cm−1) by
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7 These quantities were not taken into account by Chevalier (1998),
who made the approximation of replacing ⟨B⟩ sinφ by ⟨B⟩.
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Here, K1 represents the unabsorbed flux density in mJy, and K2,
K3, and K5 are the optical depths for attenuation by a homo-
geneous absorbing CSM, a clumpy or filamentary CSM, and
internal SSA, respectively, at day one after outburst and for
ν = 5 GHz. The parameters δ, δ′, and δ′′ describe the time
dependance of the optical depths τhomog

CSM , τclumps
CSM , and τSSA. The

parameters α and β are the spectral index and rate of decline,
respectively, in the optically thin phase. The model thus con-
tains nine free parameters to be determined from fits to the data.
The best-fit parameters can then be related to physical quantities
in the system (see, e.g., Sect. 2.2 for the presupernova mass-
loss rate). Other attenuation processes were taken into account
for some SNe, e.g. FFA by an ionized medium on the light of
sight far from the SN progenitor, but there are not important for
SN 1993J (Weiler et al. 2007).

We show here that an estimate of the mean magnetic field
strength in the radio emission region, ⟨B⟩, can be obtained from
a comparison of this parametric model with the SSA model of
Chevalier (1998). In the latest formalism, the synchrotron emis-
sion is produced by relativistic electrons having a power-law en-
ergy distribution: Ne(E) = N0E−γ, where the spectral index γ
is independent of time. The emitting spherical shell is approx-
imated by a planar region in the plane of the sky with an area
πR2, where R is the radius. In the absence of FFA by an external
medium, the observable flux density can be written as

Fν = Sν[1 − exp(−τSSA)], (A.8)
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where D is the source distance, the constant c1 = 6.26 × 1018 in
cgs units, c5(γ), c6(γ), and c9(γ) are tabulated as a function of γ
by Pacholczyk (1970) and

c′9(γ) =
√
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2
Γ[(γ + 6)/4]
Γ[(γ + 8)/4]

, (A.10)

Γ being the gamma function. The factors c9(γ) and c′9(γ) arise
from the averaging of the synchrotron emission and absorption

Table A.1. Parameter c(γ) for use in Eq. (A.12).

γ 1.5 2 2.5 3 3.5 4 4.5
c(γ) 0.724 0.492 0.367 0.289 0.236 0.197 0.169

coefficients, respectively, over the particle pitch angle φ (Longair
1994)7. We note that

c5(γ)c9(γ)
c6(γ)c′9(γ)

= 3.49 × 1017c(γ) (cgs units), (A.11)

where the expression for c(γ) can be found in Fransson &
Björnsson (1998, Eq. (29)). Calculated values of c(γ) are given
in Table A.1 for seven values of γ. By equating the flux density
from Eq. (A.8) with the one obtained from the model of Weiler
et al. (Eq. (A.1)) for Ahomog
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where we have identified the radius R with the forward shock
radius Rs = R0(t/1 day)m.

Equation (A.12) can in principle provide an estimate of the
mean magnetic field in the synchrotron-emitting region as a
function of the fitted parameters K1, K5, β, and δ′′. But in the
case of combined SSA and FFA, the result strongly depends
on the FFA model, which is uncertain (Sect. 2.2). Thus, with
the best-fit parameters β = −0.73 and δ′′ = −2.05 obtained
for SN 1993J by Weiler et al. (2007), one gets the unreason-
able time dependence ⟨B⟩ ∝ t0.68 (for m = 0.83). We argue in
Sect. 4.3 that magnetic field amplification by cosmic-ray stream-
ing should lead to ⟨B⟩ ∝ t−b with b ≈ 1, as long as the shock is
not strongly modified by the back pressure from the energetic
ions. Thus, we expect the relation

β − δ′′ ≈ 4m + 1
2

(A.13)

to hold in most of the cases. Using this constraint in the fitting
procedure could allow to better determine the physical parame-
ters of radio SNe, in particular the mass loss rate of the progeni-
tor star.

Appendix B: Radiative transfer calculations

The synchrotron emission coefficient (in erg cm−3 s−1 sr−1 Hz−1)
averaged over the pitch angle is given as a function of radius by
(see, e.g., Pacholczyk 1970)

ϵν(R) =
1

8π
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0
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# ∞

0
pν(E, φ,R)Ne(E,R)dE (B.1)

and the absorption coefficient (cm−1) by
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7 These quantities were not taken into account by Chevalier (1998),
who made the approximation of replacing ⟨B⟩ sinφ by ⟨B⟩.
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Aclumps
CSM =

1 − exp(−τclumps
CSM )

τclumps
CSM

, (A.3)

and

ASSA =
1 − exp(−τSSA)

τSSA
, (A.4)

with

τhomog
CSM = K2

!
ν

5 GHz

"−2.1! t
1 day

"δ
, (A.5)

τclumps
CSM = K3

!
ν

5 GHz

"−2.1! t
1 day

"δ′
, (A.6)

and

τSSA = K5

!
ν

5 GHz

"α−2.5! t
1 day

"δ′′
· (A.7)

Here, K1 represents the unabsorbed flux density in mJy, and K2,
K3, and K5 are the optical depths for attenuation by a homo-
geneous absorbing CSM, a clumpy or filamentary CSM, and
internal SSA, respectively, at day one after outburst and for
ν = 5 GHz. The parameters δ, δ′, and δ′′ describe the time
dependance of the optical depths τhomog

CSM , τclumps
CSM , and τSSA. The

parameters α and β are the spectral index and rate of decline,
respectively, in the optically thin phase. The model thus con-
tains nine free parameters to be determined from fits to the data.
The best-fit parameters can then be related to physical quantities
in the system (see, e.g., Sect. 2.2 for the presupernova mass-
loss rate). Other attenuation processes were taken into account
for some SNe, e.g. FFA by an ionized medium on the light of
sight far from the SN progenitor, but there are not important for
SN 1993J (Weiler et al. 2007).

We show here that an estimate of the mean magnetic field
strength in the radio emission region, ⟨B⟩, can be obtained from
a comparison of this parametric model with the SSA model of
Chevalier (1998). In the latest formalism, the synchrotron emis-
sion is produced by relativistic electrons having a power-law en-
ergy distribution: Ne(E) = N0E−γ, where the spectral index γ
is independent of time. The emitting spherical shell is approx-
imated by a planar region in the plane of the sky with an area
πR2, where R is the radius. In the absence of FFA by an external
medium, the observable flux density can be written as

Fν = Sν[1 − exp(−τSSA)], (A.8)

with

Sν =
πR2

D2

c5(γ)c9(γ)
c6(γ)c′9(γ)

⟨B⟩−1/2
!
ν

2c1

"5/2

, (A.9)

where D is the source distance, the constant c1 = 6.26 × 1018 in
cgs units, c5(γ), c6(γ), and c9(γ) are tabulated as a function of γ
by Pacholczyk (1970) and

c′9(γ) =
√
π

2
Γ[(γ + 6)/4]
Γ[(γ + 8)/4]

, (A.10)

Γ being the gamma function. The factors c9(γ) and c′9(γ) arise
from the averaging of the synchrotron emission and absorption

Table A.1. Parameter c(γ) for use in Eq. (A.12).

γ 1.5 2 2.5 3 3.5 4 4.5
c(γ) 0.724 0.492 0.367 0.289 0.236 0.197 0.169

coefficients, respectively, over the particle pitch angle φ (Longair
1994)7. We note that

c5(γ)c9(γ)
c6(γ)c′9(γ)

= 3.49 × 1017c(γ) (cgs units), (A.11)

where the expression for c(γ) can be found in Fransson &
Björnsson (1998, Eq. (29)). Calculated values of c(γ) are given
in Table A.1 for seven values of γ. By equating the flux density
from Eq. (A.8) with the one obtained from the model of Weiler
et al. (Eq. (A.1)) for Ahomog

CSM = Aclumps
CSM = 1, we get

⟨B⟩ = 0.135c(γ)2
!

R0

1014 cm

"4! D
1 Mpc

"−4!K5

K1

"2

×
!

t
1 day

"4m−2(β−δ′′)
G, (A.12)

where we have identified the radius R with the forward shock
radius Rs = R0(t/1 day)m.

Equation (A.12) can in principle provide an estimate of the
mean magnetic field in the synchrotron-emitting region as a
function of the fitted parameters K1, K5, β, and δ′′. But in the
case of combined SSA and FFA, the result strongly depends
on the FFA model, which is uncertain (Sect. 2.2). Thus, with
the best-fit parameters β = −0.73 and δ′′ = −2.05 obtained
for SN 1993J by Weiler et al. (2007), one gets the unreason-
able time dependence ⟨B⟩ ∝ t0.68 (for m = 0.83). We argue in
Sect. 4.3 that magnetic field amplification by cosmic-ray stream-
ing should lead to ⟨B⟩ ∝ t−b with b ≈ 1, as long as the shock is
not strongly modified by the back pressure from the energetic
ions. Thus, we expect the relation

β − δ′′ ≈ 4m + 1
2

(A.13)

to hold in most of the cases. Using this constraint in the fitting
procedure could allow to better determine the physical parame-
ters of radio SNe, in particular the mass loss rate of the progeni-
tor star.

Appendix B: Radiative transfer calculations

The synchrotron emission coefficient (in erg cm−3 s−1 sr−1 Hz−1)
averaged over the pitch angle is given as a function of radius by
(see, e.g., Pacholczyk 1970)

ϵν(R) =
1

8π

# π

0
sin φdφ

# ∞

0
pν(E, φ,R)Ne(E,R)dE (B.1)

and the absorption coefficient (cm−1) by

κν(R) = − c2

8πν2

# π

0
sin φdφ

# ∞

0
pν(E, φ,R)E2

× ∂
∂E

!
Ne(E,R)

E2

"
dE, (B.2)

7 These quantities were not taken into account by Chevalier (1998),
who made the approximation of replacing ⟨B⟩ sinφ by ⟨B⟩.
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Fig. 3. Evolution of the parameters K̃1, α, K̃3 and K̃5 obtained from fits to individual VLA spectra (see text). Formally, K̃1 represents the unabsorbed
flux density at ν = 5 GHz, α the corresponding synchrotron spectral index, K̃3 and K̃5 the FFA and SSA optical depths, respectively, also at
ν = 5 GHz. The dotted lines show least-squares fit to the extracted parameters (see text).

the time evolution of ⟨B⟩ determined from day 75 after explosion
was the same at earlier times.

We also see in Fig. 2 that the decline with time of the
optically-thin emission calculated in the SSA model is too slow
as compared to the data at 20 cm. A possible explanation is that
the energy distribution of the radiating electrons deviates from
a power law of constant spectral index, as implicitly assumed in
the above modeling (but see below).

The derived time dependence of ⟨B⟩ is consistent with the
scaling law originally adopted by Chevalier (1982b), ⟨B⟩ ∝ t− 1.
In Chevalier’s model, the scaling law is based on the assump-
tion that the postshock magnetic field is built up by a turbulent
amplification powered by the total available postshock energy
density. We will see in Sect. 4.3 that the temporal evolution
⟨B⟩ ∝ t− 1 is also to be expected if the magnetic field is am-
plified by Bell (2004)’s nonresonant cosmic-ray streaming in-
stability in the shock precursor region and if furthermore the
shock is not strongly modified by the back pressure from the
energetic ions. We note that the time dependence ⟨B⟩ ∝ t− 1

was also recently reported by Soderberg et al. (2008) for the
type Ibc SN 2008D. Therefore, based on both observational evi-
dences and a theoretical basis, I assume in the following that the
postshock magnetic field results from an amplification by the
cosmic-ray streaming instability operating in the shock precur-
sor and that the field immediately upstream from the subshock is
of the form Bu = Bu 0(t/1 day)− 1, where Bu 0 is a free parameter
to be determined from fits to the radio data.

2.4. Nonlinear particle acceleration

Particle acceleration at the forward shock is calculated with the
semianalytic model of nonlinear DSA developed by Berezhko
& Ellison (1999) and Ellison et al. (2000). Although the model
strictly applies to plane-parallel, steady state shocks, it has been
successfully used by Ellison et al. (2000) for evolving SNRs and
more recently by Tatischeff & Hernanz (2007) to describe the

evolution of the blast wave generated in the 2006 outburst of
the recurrent nova RS Ophiuchi. The main feature of this rel-
atively simple model is to approximate the nonthermal part of
the shocked proton and electron phase-space distributions as a
three-component power law with an exponential cutoff at high
momenta,

fp(p) = ap p− q(p) exp(− p/pp
max) (11)

and

fe(p) = ae p− q(p) exp(− p/pe
max), (12)

where the power-law index q(p), which is the same for pro-
tons and electrons, can have three different decreasing values
in the momentum ranges p ≤ mpc (mp is the proton mass and
c the speed of light), mpc < p ≤ 0.01pp

max, and p > 0.01pp
max.

This piecewise power-law model is intended to account for the
upward spectral curvature that results from efficient ion accel-
eration. The number density of particles per unit energy inter-
val, N(E), is related to the phase-space distribution function by
N(E) = 4πp2 f (p)dp/dE.

The maximum proton momentum pp
max is calculated either

by time integration of the DSA rate (i.e., shock age limitation)
or by equalling the upstream diffusion length to some frac-
tion fesc of the shock radius (i.e., particle escape limitation),
whichever produces the lowest value of pp

max (see, e.g., Baring
et al. 1999). Following, e.g., Ellison & Cassam-Chenaï (2005),
I take fesc = 0.05. To estimate the spatial diffusion coefficient,
κ = λv/3, the scattering mean free path λ of all particles of speed
v is assumed to be λ = ηmfprg (Ellison et al. 2000), where rg is
the particle gyroradius and ηmfp is a constant that characterizes
the scattering strength. I use ηmfp = 3, which is a typical value
for young SNRs (Parizot et al. 2006). The maximum electron
momentum pe

max is limited by synchrotron and inverse Compton
losses (see Sect. 2.6).

Given the upstream sonic and Alfvén Mach numbers of the
shock, which can be readily calculated from Vs, TCSM, ρu , and
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• One the two most monitored object with SN 1987A


• Type IIb at 3.5 Mpc, binary objects (Maund + 1994)
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Fig. 1. Time evolution of the outer angular radius of the shell-like radio
emission from SN 1993J. The data were obtained by Bartel et al. (2002)
from observations at 1.7, 2.3, 5.0, 8.4, 14.8, and 22.2 GHz. The dotted
line is a least-squares power-law fit to the data (Eq. (1)).

errors would make the expansion compatible with the self-
similar assumption. For example, by setting a lower limit of 3%
on the uncertainties in the outer radii measured by Bartel et al.,
we get from a least-squares power-law fit to the data χ2

ν = 1.25
and an associated probability of chance coincidence of 8%.
Thus, the null hypothesis of a self-similar expansion could not
anymore be rejected at the usual significance level of 5%.

For simplicity, I shall use the self-similar solution to model
the hydrodynamic evolution of the SNR (Sect. 2.5). The radius
of the forward shock, Rs = θoD where the source distance D =
3.63 ± 0.34 Mpc (Freedman et al. 1994), is estimated from a
power-law fit to the data of Bartel et al. (2002) at all frequencies
(Fig. 1), which gives

θo = (0.292 ± 0.004)
!

t
100 days

"0.829±0.005

mas. (1)

Thus, we have Rs = R0(t/1 day)m with R0 = 3.49 × 1014 cm and
m = 0.83. The forward shock velocity is then

Vs =
dRs

dt
= V0

!
t

1 day

"m−1

with V0 = 3.35 × 104 km s−1. (2)

In the self-similar model, the forward shock radius is given by
(e.g. Chevalier 1983)

Rs = Ks

!
C2

C1

"1/(n−s)

t(n−3)/(n−s), (3)

where the constant Ks depends on s, n, and the adiabatic index
of the shocked gas γg. For s = 2, n = 7.88, corresponding to
m = (n− 3)/(n− s) = 0.83, and γg = 5/3 (see below), we
have Ks = 0.93. The parameter C1 that fixes the CSM density
can be estimated from the radio emission. Anticipating the re-
sults presented in Sect. 3, the best-fit model to the radio light
curves gives C1 = 1.9 × 1014 g cm−1. Comparison of Eq. (3)
with the observed SN expansion then provides C2, which in turn
can be expressed in terms of the explosion energy and ejected
mass (e.g. Nadyozhin 1985; Decourchelle & Ballet 1994). We
finally obtain

Mej = 2.2 fejE1.7
51 M⊙, (4)

where fej is a parameter of order unity that depends on the veloc-
ity distribution of the inner ejecta and E51 is the kinetic energy
of the explosion in units of 1051 erg. This result is consistent
with the ejected mass estimated from the optical light curve of
SN 1993J, 1.9 < Mej < 3.5 M⊙ (Young et al. 1995). However,
numerical simulations of SN explosions show that the density
profile of the outer ejecta can be more complicated than a power
law (see, e.g., Iwamoto et al. 1997) and one should bear in mind
that the self-similar solution is a strong simplification of the real
hydrodynamic evolution.

2.2. Free-free absorption of the radio emission
in the circumstellar medium

Figure 2 shows a set of light curves measured for SN 1993J at
0.3 cm (85–110 GHz), 1.2 cm (22.5 GHz), 2 cm (14.9 GHz),
3.6 cm (8.4 GHz), 6 cm (4.9 GHz), and 20 cm (1.4 GHz). We see
that at each wavelength the flux density first rapidly increases
and then declines more slowly as a power in time (the data at
0.3 cm do not allow to clearly identify this behavior). The ra-
dio emission was observed to suddenly decline after day ∼3100
(not shown in Fig. 2), which is interpreted in terms of an abrupt
decrease of the CSM density at radial distance from the progen-
itor Rout ∼ 3 × 1017 cm (Weiler et al. 2007). This is presumably
the outer limit of the dense cocoon which was established by a
high mass loss from the red supergiant progenitor of the SN for
∼104 years before explosion.

We see in Fig. 2 that the maximum intensity is reached first
at lower wavelengths and later at higher wavelengths, which
is characteristic of absorption processes. For SN 1993J, both
free-free absorption (FFA) in the CSM and synchrotron self-
absorption (SSA) are important (Chevalier 1998; Fransson &
Björnsson 1998; Weiler et al. 2007). The Razin effect can be
excluded (Fransson & Björnsson 1998). FFA is produced in
the stellar wind that has been heated and ionized by radiation
from the shock breakout. If the circumstellar gas is homoge-
neous and of uniform temperature TCSM, the radio emission pro-
duced behind the forward shock is typically attenuated by a fac-
tor exp(−τhomog

CSM ), where the optical depth at a given frequency ν
satisfies (Weiler et al. 1986)

τhomog
CSM ∝

# ∞

Rs

ρ2
CSMT−1.35

CSM ν
−2.1dR ∝ T−1.35

CSM ν
−2.1R1−2s

s

∝ T−1.35
CSM ν

−2.1tm(1−2s). (5)

From a fit to early data using the parametrized model of Weiler
et al. (1986, 2002; see Appendix A), Van Dyk et al. (1994) found
for the time dependance of the optical depth δ = m(1−2s) ≈ −2.
They concluded that the density profile of the CSM must be sig-
nificantly flatter, s ∼ 1.5, than that, s = 2, produced by a con-
stant mass-loss rate and constant-velocity stellar wind. They in-
terpreted this result in terms of a steady decrease of the mass-loss
rate of the SN progenitor star prior to explosion. This conclusion
was later confirmed by Fransson et al. (1996). But in both studies
SSA was not taken into account.

Fransson & Björnsson (1998) performed the most detailed
modeling of the radio emission from SN 1993J to date. In par-
ticular, they took into account both FFA and SSA, and included
all relevant energy loss mechanisms for the relativistic electrons.
As a result, they were able to adequately reproduce the radio
light curves with the standard s = 2 density profile. In their
model, the measured time dependence of the FFA optical depth
(i.e. δ) is accounted for by a decrease of TCSM with radius like
TCSM ∝ R−1 (see also Fransson et al. 1996). However, as pointed

VLBI-derived outer radius as function of time
Radio model + radius expansion law => magnetic field evolution, mass loss rate 
(Weiler et al 2002 ApJ, Björnsson & Fransson 1998 ApJ):
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Here, ṀRSG and u w are, respectively, the mass loss rate and wind
terminal velocity of the red supergiant progenitor, mH is the mass
of a hydrogen atom, X is the He to H abundance ratio in the pre-
supernova wind, and fcl is a factor that depends on the number
and geometrical properties of the clumps. Weiler et al. (2002)
argue that fcl ≈ 0.67 (resp. fcl ∼ 0.16) for attenuation by a sta-
tistically large (resp. small) number of clumps along the line of
sight. By equating τclumps

CSM from Eq. (6) with its expression in the
parametric model of Weiler et al. summarized in Appendix A
(Eq. (A.6)), one can derive a relation for the progenitor mass
loss rate as a function of the normalization parameter K3:

ṀRSG = 2.2 × 10−7
!

K3

"
fcl

0.4

#"
u w

10 km s−1

#"
TCSM

2 × 105 K

#0.675

×
"

R0

3.49 × 1014 cm

#1.5

M⊙ yr−1, (8)

where we adopted X = 0.3 (e.g. Shigeyama et al. 1994). In the
following we use u w = 10 km s−1 and TCSM = 2×105 K, the latter
value being based on the photoionization calculations performed
for SN 1993J by Fransson et al. (1996). We note, however, that
according to these calculations TCSM was higher during the first
∼10–20 days post-outburst (see Fig. 11 of Fransson et al. 1996).

FFA in the progenitor wind of SN 1993J is estimated below
from the following iterative process. First the synchrotron emis-
sion as a function of time after outburst is calculated from a set
of reasonable initial parameters. External FFA is then estimated
from an overall fit of the calculated light curves to the radio data,
using Eqs. (A.3) and (A.6) for the CSM attenuation factor with
fixed δ′ = −3m (see Eq. (6)). Thus, the only free parameter is K3.
The corresponding progenitor mass loss rate is obtained from
Eq. (8). The derived wind density just upstream from the for-
ward shock, ρu = ṀRSG/(4πR2

s u w), is then used to calculate the
shock properties and the associated synchrotron emission. The
process is continued until convergence is reached.

2.3. Time evolution of the mean magnetic field
in the synchrotron-emitting region

In the original model of Chevalier (1982b) for the radio emis-
sion from SNe, the magnetic energy density in the radio-emitting
shell is assumed to scale as the total postshock energy den-
sity (∝ρu V2

s ), such that the strength of the mean magnetic field
⟨B⟩ ∝ t−1 for s = 2. Later on, Chevalier (1996, 1998) also con-
sidered that the postshock magnetic field could result from the
compression of the circumstellar magnetic field, which would
imply ⟨B⟩ ∝ R−1

s ∝ t−m. Because SSA plays an important role in
the radio emission from SN 1993J, the evolution of the mag-
netic field can be estimated from the measured light curves.
Fransson & Björnsson (1998) found, however, the two scaling
laws ⟨B⟩ ∝ t−1 and ⟨B⟩ ∝ R−1

s to be compatible with the data for
SN 1993J available at that time.

We re-estimate here the temporal evolution of ⟨B⟩ using the
fitting model of Weiler et al. (1986, 2002) together with the sim-
ple formalism given in Appendix A. We analyze individual radio
spectra at various dates of observation to determine the time vari-
ation of the fitted parameters. The method is similar to the one
previously employed by Fransson & Björnsson (1998).

We use observations made with the Very Large Array (VLA)
in which a non-zero flux density was measured at at least five
wavelengths at the same time (1.2, 2, 3.6, 6, and 20 cm). The cor-
responding data were obtained later than 75 days after explosion
(see Fig. 2). We also use the data at 90 cm taken at day 922.7

post-outburst. Each radio spectrum is fitted with the function
Fν = K̃1(ν/5 GHz)αAclumps

CSM ASSA, where the attenuation factors
are given by Eqs. (A.3) and (A.4), with the corresponding optical
depths τclumps

CSM = K̃3(ν/5 GHz)−2.1 and τSSA = K̃5(ν/5 GHz)α−2.5.
The fitting function thus contains four free parameters: K̃1, α,
K̃3, and K̃5.

The best-fit parameters are shown in Fig. 3. We took into
account only the spectral fits of relatively good quality, with χ2

ν <
2. It was checked that the final result is not strongly dependent
on this data selection. The FFA optical depth K̃3 was found to
be compatible with zero at most epochs. No regular evolution of
this parameter can be deduced from the fitting results (Fig. 3c).
On the other hand, the temporal evolutions of K̃1 and K̃5 can be
well described by power-law fits (Figs. 3a and 3d). We found

K̃1 = (185.3 ± 5.1)
"

t
100 days

#β
mJy, with β = −0.731 ± 0.026

K̃5 = (1.253 ± 0.090)
"

t
100 days

#δ′′
, with δ′′ = −2.971 ± 0.094,

(9)

with reduced χ2 of 1.2 and 1.3, respectively. The spectral index α
does not show a significant evolution with time (Fig. 3b). Its
average constant value is α = −0.887± 0.020 (χ2

ν = 0.32). Then,
from Eq. (A.12) with γ = 1 − 2α = 2.774 ± 0.040, we get

⟨B⟩ = (2.4 ± 1.0)
"

t
100 days

#b

G, with b= −1.16 ± 0.20. (10)

We have neglected here the correlations between the various fit-
ted parameters in the error determination, which is a good ap-
proximation given that the error in the magnetic field at day 100
mainly arises from the uncertainty in the source distance (9.4%)
and the error in the power-law index b is dominated by the un-
certainty in δ′′.

The mean magnetic field given by Eq. (10) is in good agree-
ment with the one obtained by Fransson & Björnsson (1998).
But in contrast with the conclusions of these authors, the value
of bobtained in the present analysis indicates that the scaling law
⟨B⟩ ∝ R−1

s can be excluded at the 90% confidence level. The dis-
crepancy is partly due to the different assumptions made for the
SN expansion. Indeed, Fransson & Björnsson (1998) assumed
m = 1 for t < 100 days (i.e. Rs ∝ t) and m = 0.74 at later epochs.
The FFA model is also different in the two analyses. However,
because the present result is restricted to relatively late epochs,
it is only weakly dependent of the FFA modeling.

A “pure” SSA model calculated with α = −0.887 and the
best-fit power laws for K̃1 and K̃5 (Eq. (9)) is shown in Fig. 2.
We see that this model does not correctly represent the data taken
before day 100. This is partly because free-free attenuation of
the radio emission in the CSM was not taken into account. But
it is also due to the strong radiative losses suffered by the radio-
emitting electrons at early epochs (see Fransson & Björnsson
1998, and Sect. 3 below), which are not included in the paramet-
ric formalism of Weiler et al. (2002, and references therein) used
here. As we will see below, one of the main effects of the electron
energy losses is to reduce the flux density at short wavelengths
during the transition from the optically thick to the optically thin
regime. If this effect is not properly taken into account, the rela-
tive contributions of FFA and SSA at early epochs post-outburst
cannot be reliably estimated. Consequently, the magnetic field
determination for these epochs is uncertain. We assume here that
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Here, ṀRSG and u w are, respectively, the mass loss rate and wind
terminal velocity of the red supergiant progenitor, mH is the mass
of a hydrogen atom, X is the He to H abundance ratio in the pre-
supernova wind, and fcl is a factor that depends on the number
and geometrical properties of the clumps. Weiler et al. (2002)
argue that fcl ≈ 0.67 (resp. fcl ∼ 0.16) for attenuation by a sta-
tistically large (resp. small) number of clumps along the line of
sight. By equating τclumps

CSM from Eq. (6) with its expression in the
parametric model of Weiler et al. summarized in Appendix A
(Eq. (A.6)), one can derive a relation for the progenitor mass
loss rate as a function of the normalization parameter K3:

ṀRSG = 2.2 × 10−7
!

K3

"
fcl

0.4

#"
u w

10 km s−1

#"
TCSM

2 × 105 K

#0.675

×
"

R0

3.49 × 1014 cm

#1.5

M⊙ yr−1, (8)

where we adopted X = 0.3 (e.g. Shigeyama et al. 1994). In the
following we use u w = 10 km s−1 and TCSM = 2×105 K, the latter
value being based on the photoionization calculations performed
for SN 1993J by Fransson et al. (1996). We note, however, that
according to these calculations TCSM was higher during the first
∼10–20 days post-outburst (see Fig. 11 of Fransson et al. 1996).

FFA in the progenitor wind of SN 1993J is estimated below
from the following iterative process. First the synchrotron emis-
sion as a function of time after outburst is calculated from a set
of reasonable initial parameters. External FFA is then estimated
from an overall fit of the calculated light curves to the radio data,
using Eqs. (A.3) and (A.6) for the CSM attenuation factor with
fixed δ′ = −3m (see Eq. (6)). Thus, the only free parameter is K3.
The corresponding progenitor mass loss rate is obtained from
Eq. (8). The derived wind density just upstream from the for-
ward shock, ρu = ṀRSG/(4πR2

s u w), is then used to calculate the
shock properties and the associated synchrotron emission. The
process is continued until convergence is reached.

2.3. Time evolution of the mean magnetic field
in the synchrotron-emitting region

In the original model of Chevalier (1982b) for the radio emis-
sion from SNe, the magnetic energy density in the radio-emitting
shell is assumed to scale as the total postshock energy den-
sity (∝ρu V2

s ), such that the strength of the mean magnetic field
⟨B⟩ ∝ t−1 for s = 2. Later on, Chevalier (1996, 1998) also con-
sidered that the postshock magnetic field could result from the
compression of the circumstellar magnetic field, which would
imply ⟨B⟩ ∝ R−1

s ∝ t−m. Because SSA plays an important role in
the radio emission from SN 1993J, the evolution of the mag-
netic field can be estimated from the measured light curves.
Fransson & Björnsson (1998) found, however, the two scaling
laws ⟨B⟩ ∝ t−1 and ⟨B⟩ ∝ R−1

s to be compatible with the data for
SN 1993J available at that time.

We re-estimate here the temporal evolution of ⟨B⟩ using the
fitting model of Weiler et al. (1986, 2002) together with the sim-
ple formalism given in Appendix A. We analyze individual radio
spectra at various dates of observation to determine the time vari-
ation of the fitted parameters. The method is similar to the one
previously employed by Fransson & Björnsson (1998).

We use observations made with the Very Large Array (VLA)
in which a non-zero flux density was measured at at least five
wavelengths at the same time (1.2, 2, 3.6, 6, and 20 cm). The cor-
responding data were obtained later than 75 days after explosion
(see Fig. 2). We also use the data at 90 cm taken at day 922.7

post-outburst. Each radio spectrum is fitted with the function
Fν = K̃1(ν/5 GHz)αAclumps

CSM ASSA, where the attenuation factors
are given by Eqs. (A.3) and (A.4), with the corresponding optical
depths τclumps

CSM = K̃3(ν/5 GHz)−2.1 and τSSA = K̃5(ν/5 GHz)α−2.5.
The fitting function thus contains four free parameters: K̃1, α,
K̃3, and K̃5.

The best-fit parameters are shown in Fig. 3. We took into
account only the spectral fits of relatively good quality, with χ2

ν <
2. It was checked that the final result is not strongly dependent
on this data selection. The FFA optical depth K̃3 was found to
be compatible with zero at most epochs. No regular evolution of
this parameter can be deduced from the fitting results (Fig. 3c).
On the other hand, the temporal evolutions of K̃1 and K̃5 can be
well described by power-law fits (Figs. 3a and 3d). We found

K̃1 = (185.3 ± 5.1)
"

t
100 days

#β
mJy, with β = −0.731 ± 0.026

K̃5 = (1.253 ± 0.090)
"

t
100 days

#δ′′
, with δ′′ = −2.971 ± 0.094,

(9)

with reduced χ2 of 1.2 and 1.3, respectively. The spectral index α
does not show a significant evolution with time (Fig. 3b). Its
average constant value is α = −0.887± 0.020 (χ2

ν = 0.32). Then,
from Eq. (A.12) with γ = 1 − 2α = 2.774 ± 0.040, we get

⟨B⟩ = (2.4 ± 1.0)
"

t
100 days

#b

G, with b= −1.16 ± 0.20. (10)

We have neglected here the correlations between the various fit-
ted parameters in the error determination, which is a good ap-
proximation given that the error in the magnetic field at day 100
mainly arises from the uncertainty in the source distance (9.4%)
and the error in the power-law index b is dominated by the un-
certainty in δ′′.

The mean magnetic field given by Eq. (10) is in good agree-
ment with the one obtained by Fransson & Björnsson (1998).
But in contrast with the conclusions of these authors, the value
of bobtained in the present analysis indicates that the scaling law
⟨B⟩ ∝ R−1

s can be excluded at the 90% confidence level. The dis-
crepancy is partly due to the different assumptions made for the
SN expansion. Indeed, Fransson & Björnsson (1998) assumed
m = 1 for t < 100 days (i.e. Rs ∝ t) and m = 0.74 at later epochs.
The FFA model is also different in the two analyses. However,
because the present result is restricted to relatively late epochs,
it is only weakly dependent of the FFA modeling.

A “pure” SSA model calculated with α = −0.887 and the
best-fit power laws for K̃1 and K̃5 (Eq. (9)) is shown in Fig. 2.
We see that this model does not correctly represent the data taken
before day 100. This is partly because free-free attenuation of
the radio emission in the CSM was not taken into account. But
it is also due to the strong radiative losses suffered by the radio-
emitting electrons at early epochs (see Fransson & Björnsson
1998, and Sect. 3 below), which are not included in the paramet-
ric formalism of Weiler et al. (2002, and references therein) used
here. As we will see below, one of the main effects of the electron
energy losses is to reduce the flux density at short wavelengths
during the transition from the optically thick to the optically thin
regime. If this effect is not properly taken into account, the rela-
tive contributions of FFA and SSA at early epochs post-outburst
cannot be reliably estimated. Consequently, the magnetic field
determination for these epochs is uncertain. We assume here that

Multi-Gauss level magnetic fields at day times ~ 50 G

Bietenholz et al 2009 ApJ

·M ∼ 4 10−5M⊙/yr

Alternative explanations see Björnsson & Keshavarzi 2017



Particle acceleration in young Supernovae 

Gamma Ray quest 

Neutrino signal ? 

Supernovae as sources of Cosmic Rays ? 
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Particle acceleration onset after shock breakout
• Once the shocks travels in the stellar atmosphere when does particle acceleration 

start ? 


> Conservatively when the shock becomes collision less hence after the break out.


• Shock break out (SBO) = transition from radiatively-mediated to matter-mediated 
shock waves. 
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Shock Break Out and particle acceleration

• SBO occurs when , hence at  (see Giacinti & Bell 2015), so for RSG 

typically .


• The transition from radiation-mediated (RMS) to collisionless shock (CS) occurs when two shells interact at a 
relative speed larger than the sound speed downstream the forward shell (Katz et al 2010 ApJ). 


• GB15 show that CS can appear at  if 


• Particle acceleration can start as the CR Larmor radius becomes larger than the shock transition in a CS. 


• If MFA occurs, PeV particles can be accelerated within less than day timescales for 10 000 km/s shocks.


• Important issue : the sooner acceleration starts the higher CR energies can be expected in the time evolution 
of the shock. (notice some possibility RMS to accelerate particles, see Levinson 2020 PRE)

τ =
σT

mp ∫ ρ(r)dr ≃
c

ush
RSBO ≃

·MσTβsh

4πmpuw
RSBO ∼ 10R⋆, (βsh = 0.1)

R < RSBO βsh < 0.1 ( uw

10 km/s ) ( r⋆

1013 cm ) (
·M

5 10−4M⊙/yr )
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Fokker-Planck-magnetohydrodynamics model
• Inoue, T. et al 2021 ApJ
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1D3V Vlasov-MHD simulations (spherical)
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the acceleration at the highest energies at best, which makes
it possible to simulate CR acceleration under realistic param-
eters with the magnetic field amplification by the NRH insta-
bility. We complete these simulations by a series of numeri-
cal runs using a particle-in-cell-magnetohydrodynamic (PIC-
MHD) technique developed by van Marle et al. (2018) in or-
der to explore the early stage of the particle acceleration pro-
cess.
The paper is organized as follows: in Section 2, we provide
the basic equations and numerical settings for simulations.
The results of the simulations and their physical interpretation
are shown in Section 3. In Section 4 we discuss the PIC-MHD
runs results, compare our results with previous studies of high
Alfvénic Mach number shocks and then evaluate the implica-
tions of our results for observations. Section 5 summarizes
the paper.

2. BASIC EQUATIONS AND NUMERICAL SETUPS

2.1. Basic Equations
We solve a hybrid system of the Bell MHD equations and

a telegrapher-type diffusion convection equations4 in the po-
lar coordinate around ✓ ⇠ ⇡/2 (Bell 2013; Inoue 2019). The
hybrid system can be break into 1) gas dynamics equations:
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2) magnetic field evolution:
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3) CR kinetic equations:
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where j(ret)
r is the return current density induced by the cosmic

ray streaming current, i.e., j(ret)
r = - j(cr)

r , Qinj is an injection
rate, Lpp is a momentum loss rate due here to inelastic p-p
collisions, and  is the diffusion coefficient, which generally

4 Eq. (11) can be transformed into a telegrapher-type differential equation,
if we take time-derivative of eq. (11) and substitute eq. (9).

depends on the momentum of the cosmic rays p and local
magnetic field. In the polar coordinate, basic eqs. (2)-(4) and
eqs. (7)-(11) must have the curvature terms that are inversely
proportional to the radial coordinate r, but in this paper, we
neglect them because we consider a situation where the shock
radius is very much larger than the scale of spatial derivatives
(typically the growth scale of the NRH instability). We also
omit the effect of CR pressure on fluid dynamics, because we
select a CR injection rate that does not cause substantial shock
structure modification (see, §4.3 for discussion).

Eqs. (9) and (11) constitute the diffusion convection equa-
tion5, where f0(r, p) = F0(r, p)/p3 is the isotropic compo-
nent of the cosmic ray distribution function and f1(r, p) =
F1(r, p)/p3 is the anisotropic component so that the distribu-
tion function is given by f (r, ~p) = f0(r, p) + (pr/p) f1(r, p) (see
Bell et al. 2013 for higher order equations6). Thanks to the
hyperbolic nature of the eqs. (9) and (11), it is relatively easy
to perform simulations employing modern parallel supercom-
puters.

The total cosmic ray current density is given by

jr(r) = e
Z pU

pL

c
3

pq
p2 + m2

pc2
f1 4⇡ p2 d p

= e
Z pU

pL

4⇡ c
3

pq
p2 + m2

pc2
F1 d ln p

⌘
Z pU

pL

jp d ln p, (11)

where pL and pU are, respectively, the lower and upper bound-
ary momenta considered in the simulation, and we have as-
sumed that the cosmic rays are composed of protons. To ac-
curately calculate the cosmic-ray current that contributes to
the NRH instability, we use the following current density in-
stead of eq. (11):

j(cr)
r (r) =

Z pU

pB

jp d ln p, (12)

where the lower bound of the integral pB is determined by the
condition pBc/eB = lB,min with B=

q
B2

r + B2
✓ + B2

� (see, Inoue

(2019) for the physical reason). Here lB,min = cBr/4⇡ j(cr)
r is

the minimum scale of the NRH instability, and simple algebra
yields to pB = eBr B/(4⇡ j(cr)

r ). When pB is not found in the
range between pL and pU, we set j(cr)

r = 0.
We employ the following diffusion coefficient (Skilling

1975; Caprioli & Spitkovsky 2014c)

(p, ~B) =
4

3⇡
max(B2

r ,�B2)
�B2

vCR pc
e max(|Br|,�B)

, (13)

where �B2 = B2
✓ + B2

�, and vCR is the cosmic-ray velocity at
momentum p. When magnetic field fluctuations are smaller

5 One can easily confirm that these two equations recover the usual dif-
fusion convection equation derived by Skilling (1975), if we take the limit
c !1.

6 Eqs. (9) and (11) are from eqs. (11a) and (11b) of Bell (2013), where we
neglect quadrupole term fi j and also fy and fz terms. Due to the omission of
fy and fz, the y and z components of the cosmic ray current ( jy, jz) are always
set to be null. jy and jz are induced when cosmic rays, whose gyro-radius is
smaller than the wave-length of the magnetic field disturbance, stream along
the disturbed field. The current carried by these cosmic rays with small gyro-
radius does not contribute to the growth of the NRH instability. This is the
reason why we limit the integration range of particle momentum in the current
calculation given by eq. (12).
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the acceleration at the highest energies at best, which makes
it possible to simulate CR acceleration under realistic param-
eters with the magnetic field amplification by the NRH insta-
bility. We complete these simulations by a series of numeri-
cal runs using a particle-in-cell-magnetohydrodynamic (PIC-
MHD) technique developed by van Marle et al. (2018) in or-
der to explore the early stage of the particle acceleration pro-
cess.
The paper is organized as follows: in Section 2, we provide
the basic equations and numerical settings for simulations.
The results of the simulations and their physical interpretation
are shown in Section 3. In Section 4 we discuss the PIC-MHD
runs results, compare our results with previous studies of high
Alfvénic Mach number shocks and then evaluate the implica-
tions of our results for observations. Section 5 summarizes
the paper.

2. BASIC EQUATIONS AND NUMERICAL SETUPS

2.1. Basic Equations
We solve a hybrid system of the Bell MHD equations and

a telegrapher-type diffusion convection equations4 in the po-
lar coordinate around ✓ ⇠ ⇡/2 (Bell 2013; Inoue 2019). The
hybrid system can be break into 1) gas dynamics equations:
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2) magnetic field evolution:
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where j(ret)
r is the return current density induced by the cosmic

ray streaming current, i.e., j(ret)
r = - j(cr)

r , Qinj is an injection
rate, Lpp is a momentum loss rate due here to inelastic p-p
collisions, and  is the diffusion coefficient, which generally

4 Eq. (11) can be transformed into a telegrapher-type differential equation,
if we take time-derivative of eq. (11) and substitute eq. (9).

depends on the momentum of the cosmic rays p and local
magnetic field. In the polar coordinate, basic eqs. (2)-(4) and
eqs. (7)-(11) must have the curvature terms that are inversely
proportional to the radial coordinate r, but in this paper, we
neglect them because we consider a situation where the shock
radius is very much larger than the scale of spatial derivatives
(typically the growth scale of the NRH instability). We also
omit the effect of CR pressure on fluid dynamics, because we
select a CR injection rate that does not cause substantial shock
structure modification (see, §4.3 for discussion).

Eqs. (9) and (11) constitute the diffusion convection equa-
tion5, where f0(r, p) = F0(r, p)/p3 is the isotropic compo-
nent of the cosmic ray distribution function and f1(r, p) =
F1(r, p)/p3 is the anisotropic component so that the distribu-
tion function is given by f (r, ~p) = f0(r, p) + (pr/p) f1(r, p) (see
Bell et al. 2013 for higher order equations6). Thanks to the
hyperbolic nature of the eqs. (9) and (11), it is relatively easy
to perform simulations employing modern parallel supercom-
puters.

The total cosmic ray current density is given by
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where pL and pU are, respectively, the lower and upper bound-
ary momenta considered in the simulation, and we have as-
sumed that the cosmic rays are composed of protons. To ac-
curately calculate the cosmic-ray current that contributes to
the NRH instability, we use the following current density in-
stead of eq. (11):

j(cr)
r (r) =
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where the lower bound of the integral pB is determined by the
condition pBc/eB = lB,min with B=
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� (see, Inoue

(2019) for the physical reason). Here lB,min = cBr/4⇡ j(cr)
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the minimum scale of the NRH instability, and simple algebra
yields to pB = eBr B/(4⇡ j(cr)

r ). When pB is not found in the
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We employ the following diffusion coefficient (Skilling

1975; Caprioli & Spitkovsky 2014c)
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�, and vCR is the cosmic-ray velocity at
momentum p. When magnetic field fluctuations are smaller

5 One can easily confirm that these two equations recover the usual dif-
fusion convection equation derived by Skilling (1975), if we take the limit
c !1.

6 Eqs. (9) and (11) are from eqs. (11a) and (11b) of Bell (2013), where we
neglect quadrupole term fi j and also fy and fz terms. Due to the omission of
fy and fz, the y and z components of the cosmic ray current ( jy, jz) are always
set to be null. jy and jz are induced when cosmic rays, whose gyro-radius is
smaller than the wave-length of the magnetic field disturbance, stream along
the disturbed field. The current carried by these cosmic rays with small gyro-
radius does not contribute to the growth of the NRH instability. This is the
reason why we limit the integration range of particle momentum in the current
calculation given by eq. (12).

Magnetic field

2 T. INOUE et al.

the acceleration at the highest energies at best, which makes
it possible to simulate CR acceleration under realistic param-
eters with the magnetic field amplification by the NRH insta-
bility. We complete these simulations by a series of numeri-
cal runs using a particle-in-cell-magnetohydrodynamic (PIC-
MHD) technique developed by van Marle et al. (2018) in or-
der to explore the early stage of the particle acceleration pro-
cess.
The paper is organized as follows: in Section 2, we provide
the basic equations and numerical settings for simulations.
The results of the simulations and their physical interpretation
are shown in Section 3. In Section 4 we discuss the PIC-MHD
runs results, compare our results with previous studies of high
Alfvénic Mach number shocks and then evaluate the implica-
tions of our results for observations. Section 5 summarizes
the paper.
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2.1. Basic Equations
We solve a hybrid system of the Bell MHD equations and

a telegrapher-type diffusion convection equations4 in the po-
lar coordinate around ✓ ⇠ ⇡/2 (Bell 2013; Inoue 2019). The
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r is the return current density induced by the cosmic

ray streaming current, i.e., j(ret)
r = - j(cr)

r , Qinj is an injection
rate, Lpp is a momentum loss rate due here to inelastic p-p
collisions, and  is the diffusion coefficient, which generally

4 Eq. (11) can be transformed into a telegrapher-type differential equation,
if we take time-derivative of eq. (11) and substitute eq. (9).

depends on the momentum of the cosmic rays p and local
magnetic field. In the polar coordinate, basic eqs. (2)-(4) and
eqs. (7)-(11) must have the curvature terms that are inversely
proportional to the radial coordinate r, but in this paper, we
neglect them because we consider a situation where the shock
radius is very much larger than the scale of spatial derivatives
(typically the growth scale of the NRH instability). We also
omit the effect of CR pressure on fluid dynamics, because we
select a CR injection rate that does not cause substantial shock
structure modification (see, §4.3 for discussion).

Eqs. (9) and (11) constitute the diffusion convection equa-
tion5, where f0(r, p) = F0(r, p)/p3 is the isotropic compo-
nent of the cosmic ray distribution function and f1(r, p) =
F1(r, p)/p3 is the anisotropic component so that the distribu-
tion function is given by f (r, ~p) = f0(r, p) + (pr/p) f1(r, p) (see
Bell et al. 2013 for higher order equations6). Thanks to the
hyperbolic nature of the eqs. (9) and (11), it is relatively easy
to perform simulations employing modern parallel supercom-
puters.
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where pL and pU are, respectively, the lower and upper bound-
ary momenta considered in the simulation, and we have as-
sumed that the cosmic rays are composed of protons. To ac-
curately calculate the cosmic-ray current that contributes to
the NRH instability, we use the following current density in-
stead of eq. (11):

j(cr)
r (r) =

Z pU

pB

jp d ln p, (12)

where the lower bound of the integral pB is determined by the
condition pBc/eB = lB,min with B=

q
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r + B2
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� (see, Inoue

(2019) for the physical reason). Here lB,min = cBr/4⇡ j(cr)
r is

the minimum scale of the NRH instability, and simple algebra
yields to pB = eBr B/(4⇡ j(cr)

r ). When pB is not found in the
range between pL and pU, we set j(cr)

r = 0.
We employ the following diffusion coefficient (Skilling

1975; Caprioli & Spitkovsky 2014c)

(p, ~B) =
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, (13)

where �B2 = B2
✓ + B2

�, and vCR is the cosmic-ray velocity at
momentum p. When magnetic field fluctuations are smaller

5 One can easily confirm that these two equations recover the usual dif-
fusion convection equation derived by Skilling (1975), if we take the limit
c !1.

6 Eqs. (9) and (11) are from eqs. (11a) and (11b) of Bell (2013), where we
neglect quadrupole term fi j and also fy and fz terms. Due to the omission of
fy and fz, the y and z components of the cosmic ray current ( jy, jz) are always
set to be null. jy and jz are induced when cosmic rays, whose gyro-radius is
smaller than the wave-length of the magnetic field disturbance, stream along
the disturbed field. The current carried by these cosmic rays with small gyro-
radius does not contribute to the growth of the NRH instability. This is the
reason why we limit the integration range of particle momentum in the current
calculation given by eq. (12).
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the acceleration at the highest energies at best, which makes
it possible to simulate CR acceleration under realistic param-
eters with the magnetic field amplification by the NRH insta-
bility. We complete these simulations by a series of numeri-
cal runs using a particle-in-cell-magnetohydrodynamic (PIC-
MHD) technique developed by van Marle et al. (2018) in or-
der to explore the early stage of the particle acceleration pro-
cess.
The paper is organized as follows: in Section 2, we provide
the basic equations and numerical settings for simulations.
The results of the simulations and their physical interpretation
are shown in Section 3. In Section 4 we discuss the PIC-MHD
runs results, compare our results with previous studies of high
Alfvénic Mach number shocks and then evaluate the implica-
tions of our results for observations. Section 5 summarizes
the paper.

2. BASIC EQUATIONS AND NUMERICAL SETUPS

2.1. Basic Equations
We solve a hybrid system of the Bell MHD equations and

a telegrapher-type diffusion convection equations4 in the po-
lar coordinate around ✓ ⇠ ⇡/2 (Bell 2013; Inoue 2019). The
hybrid system can be break into 1) gas dynamics equations:
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where j(ret)
r is the return current density induced by the cosmic

ray streaming current, i.e., j(ret)
r = - j(cr)

r , Qinj is an injection
rate, Lpp is a momentum loss rate due here to inelastic p-p
collisions, and  is the diffusion coefficient, which generally

4 Eq. (11) can be transformed into a telegrapher-type differential equation,
if we take time-derivative of eq. (11) and substitute eq. (9).

depends on the momentum of the cosmic rays p and local
magnetic field. In the polar coordinate, basic eqs. (2)-(4) and
eqs. (7)-(11) must have the curvature terms that are inversely
proportional to the radial coordinate r, but in this paper, we
neglect them because we consider a situation where the shock
radius is very much larger than the scale of spatial derivatives
(typically the growth scale of the NRH instability). We also
omit the effect of CR pressure on fluid dynamics, because we
select a CR injection rate that does not cause substantial shock
structure modification (see, §4.3 for discussion).

Eqs. (9) and (11) constitute the diffusion convection equa-
tion5, where f0(r, p) = F0(r, p)/p3 is the isotropic compo-
nent of the cosmic ray distribution function and f1(r, p) =
F1(r, p)/p3 is the anisotropic component so that the distribu-
tion function is given by f (r, ~p) = f0(r, p) + (pr/p) f1(r, p) (see
Bell et al. 2013 for higher order equations6). Thanks to the
hyperbolic nature of the eqs. (9) and (11), it is relatively easy
to perform simulations employing modern parallel supercom-
puters.

The total cosmic ray current density is given by
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where pL and pU are, respectively, the lower and upper bound-
ary momenta considered in the simulation, and we have as-
sumed that the cosmic rays are composed of protons. To ac-
curately calculate the cosmic-ray current that contributes to
the NRH instability, we use the following current density in-
stead of eq. (11):

j(cr)
r (r) =
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jp d ln p, (12)

where the lower bound of the integral pB is determined by the
condition pBc/eB = lB,min with B=
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� (see, Inoue

(2019) for the physical reason). Here lB,min = cBr/4⇡ j(cr)
r is

the minimum scale of the NRH instability, and simple algebra
yields to pB = eBr B/(4⇡ j(cr)

r ). When pB is not found in the
range between pL and pU, we set j(cr)

r = 0.
We employ the following diffusion coefficient (Skilling

1975; Caprioli & Spitkovsky 2014c)
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where �B2 = B2
✓ + B2

�, and vCR is the cosmic-ray velocity at
momentum p. When magnetic field fluctuations are smaller

5 One can easily confirm that these two equations recover the usual dif-
fusion convection equation derived by Skilling (1975), if we take the limit
c !1.

6 Eqs. (9) and (11) are from eqs. (11a) and (11b) of Bell (2013), where we
neglect quadrupole term fi j and also fy and fz terms. Due to the omission of
fy and fz, the y and z components of the cosmic ray current ( jy, jz) are always
set to be null. jy and jz are induced when cosmic rays, whose gyro-radius is
smaller than the wave-length of the magnetic field disturbance, stream along
the disturbed field. The current carried by these cosmic rays with small gyro-
radius does not contribute to the growth of the NRH instability. This is the
reason why we limit the integration range of particle momentum in the current
calculation given by eq. (12).
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the acceleration at the highest energies at best, which makes
it possible to simulate CR acceleration under realistic param-
eters with the magnetic field amplification by the NRH insta-
bility. We complete these simulations by a series of numeri-
cal runs using a particle-in-cell-magnetohydrodynamic (PIC-
MHD) technique developed by van Marle et al. (2018) in or-
der to explore the early stage of the particle acceleration pro-
cess.
The paper is organized as follows: in Section 2, we provide
the basic equations and numerical settings for simulations.
The results of the simulations and their physical interpretation
are shown in Section 3. In Section 4 we discuss the PIC-MHD
runs results, compare our results with previous studies of high
Alfvénic Mach number shocks and then evaluate the implica-
tions of our results for observations. Section 5 summarizes
the paper.

2. BASIC EQUATIONS AND NUMERICAL SETUPS

2.1. Basic Equations
We solve a hybrid system of the Bell MHD equations and

a telegrapher-type diffusion convection equations4 in the po-
lar coordinate around ✓ ⇠ ⇡/2 (Bell 2013; Inoue 2019). The
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r is the return current density induced by the cosmic

ray streaming current, i.e., j(ret)
r = - j(cr)

r , Qinj is an injection
rate, Lpp is a momentum loss rate due here to inelastic p-p
collisions, and  is the diffusion coefficient, which generally

4 Eq. (11) can be transformed into a telegrapher-type differential equation,
if we take time-derivative of eq. (11) and substitute eq. (9).

depends on the momentum of the cosmic rays p and local
magnetic field. In the polar coordinate, basic eqs. (2)-(4) and
eqs. (7)-(11) must have the curvature terms that are inversely
proportional to the radial coordinate r, but in this paper, we
neglect them because we consider a situation where the shock
radius is very much larger than the scale of spatial derivatives
(typically the growth scale of the NRH instability). We also
omit the effect of CR pressure on fluid dynamics, because we
select a CR injection rate that does not cause substantial shock
structure modification (see, §4.3 for discussion).

Eqs. (9) and (11) constitute the diffusion convection equa-
tion5, where f0(r, p) = F0(r, p)/p3 is the isotropic compo-
nent of the cosmic ray distribution function and f1(r, p) =
F1(r, p)/p3 is the anisotropic component so that the distribu-
tion function is given by f (r, ~p) = f0(r, p) + (pr/p) f1(r, p) (see
Bell et al. 2013 for higher order equations6). Thanks to the
hyperbolic nature of the eqs. (9) and (11), it is relatively easy
to perform simulations employing modern parallel supercom-
puters.

The total cosmic ray current density is given by
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where pL and pU are, respectively, the lower and upper bound-
ary momenta considered in the simulation, and we have as-
sumed that the cosmic rays are composed of protons. To ac-
curately calculate the cosmic-ray current that contributes to
the NRH instability, we use the following current density in-
stead of eq. (11):

j(cr)
r (r) =
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jp d ln p, (12)

where the lower bound of the integral pB is determined by the
condition pBc/eB = lB,min with B=
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� (see, Inoue

(2019) for the physical reason). Here lB,min = cBr/4⇡ j(cr)
r is

the minimum scale of the NRH instability, and simple algebra
yields to pB = eBr B/(4⇡ j(cr)

r ). When pB is not found in the
range between pL and pU, we set j(cr)

r = 0.
We employ the following diffusion coefficient (Skilling
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where �B2 = B2
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�, and vCR is the cosmic-ray velocity at
momentum p. When magnetic field fluctuations are smaller

5 One can easily confirm that these two equations recover the usual dif-
fusion convection equation derived by Skilling (1975), if we take the limit
c !1.

6 Eqs. (9) and (11) are from eqs. (11a) and (11b) of Bell (2013), where we
neglect quadrupole term fi j and also fy and fz terms. Due to the omission of
fy and fz, the y and z components of the cosmic ray current ( jy, jz) are always
set to be null. jy and jz are induced when cosmic rays, whose gyro-radius is
smaller than the wave-length of the magnetic field disturbance, stream along
the disturbed field. The current carried by these cosmic rays with small gyro-
radius does not contribute to the growth of the NRH instability. This is the
reason why we limit the integration range of particle momentum in the current
calculation given by eq. (12).

The CR current is controlled by F1:

Angle decomposition CR distribution F = F0+ p/p.F1

only first order terms : streaming
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TABLE 1
MODEL PARAMETERS

Model ID Ṁ [M⊙ yr−1] ϖ ⟨δB2
ini(r)⟩/B2

r,ini(r) η veje [km s−1] p-p cooling Bell terma coordinateb Ecut

0 10−5 1.0 1.0 6× 10−4 1.0× 104 yes yes polar 0.8× 1015 eV (t = 7 day)

1 10−3 1.0 1.0 6× 10−4 1.0× 104 yes yes polar 2.6× 1015 eV (t = 14 day)

2 10−3 1.0 0.01 6× 10−4 1.0× 104 yes yes polar 2.3× 1015 eV (t = 14 day)

3 10−3 1.0 1.0 6× 10−4 1.0× 104 no yes polar 5.0× 1015 eV (t = 14 day)

4 10−3 0.2 1.0 6× 10−4 1.0× 104 yes yes polar 1.0× 1015 eV (t = 14 day)

5 10−3 1.0 1.0 2× 10−4 1.0× 104 yes yes polar 1.3× 1015 eV (t = 14 day)

6 10−3 1.0 1.0 6× 10−4 2.0× 104 yes yes polar 4.9× 1015 eV (t = 7 day)

7 10−3 1.0 1.0 6× 10−4 1.0× 104 no yes plane parallel 7.0× 1015 eV (t = 14 day)

8 10−3 1.0 1.0 6× 10−4 1.0× 104 yes no polar 1.6× 1014 eV (t = 14 day)

aif no, we always set null cosmic-ray current j(CR)
r = 0.

bIn the plane parallel case, we set spatially constant upstream, whose phys-
ical values are same to those of r = r0 cm in Model 1, and we solve basic
equations in the plane parallel geometry.
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FIG. 2.— Top: cutoff energies at t = 5.0 day as a function of spatial resolu-

tion. Bottom: CR spectra at the shock front for Model 1 (Ncell,p = 64) and the
higher resolution run (Ncell,p = 128). To calculate spectra, the CR distribution
function f0 is spatially averaged from r = rsh to rsh − 50∆r.

composed of nearly escaping high-energy CRs that are not
confined by magnetic fields.

2.6. Numerical Convergence

As we will show in §3, the unstable spatial scales of the
NRH instability vary a lot with distance from the shock front.
The numerical resolution determined in §2.4 can be insuffi-
cient in particular at early stages and in the vicinity of the
shock front. Thus, we perform several simulations same to
Model 1 with different resolution of Ncell,r = 218, 219, 220, 221,
and 222. We also perform a larger momentum space resolution
run with Ncell,p = 128.

Since our main interest is the maximum energy achieved by

the DSA, we assess the convergence through a cutoff energy
at a fixed time. The top panel of Figure 2 shows the cutoff
energies at t = 5.0 day as a function of spatial resolution. De-
tails of the dynamics will be given in the next section. The
cutoff energy is obtained by fitting CR spectrum log( f0 p4)
at the shock front through the least square method with a
trial function log[A exp{−(pc/Ecut)

2}]8. Because a run with
Ncell,x = 222 was too expensive to continue more than t = 5.0
day, we compare results at this time. The plot shows that Ecut

would have not yet reached convergence even at Ncell,r = 222.
This would be due to unresolved magnetic field amplification
at early stage where Bini is larger than that used in eq. (21) and
near the shock front where j(CR) is larger.

However, the curve seems to be becoming flat, and we can
say that the converged Ecut would not differ more than factor
two comparing to the resolution at Ncell,r = 221. Therefore, we
claim that the results of Model 0 - Model 8 show lower values
of the converged cutoff energy but error would be within a
factor two.

As for the momentum space resolution, the results show
perfect convergence thanks to a simple functional form of the
resulting CR spectrum. The bottom panel of Figure 2 shows
CR spectra at the shock front for Model 1 (Ncell,p = 64) and the
higher resolution run (Ncell,p = 128) that are almost identical.

The interested reader can also refer to the results of more
basic tests for the standard DSA and growth of the NRH in-
stability in Appendix.

3. RESULTS

3.1. Basic Results of Model 0 and Model 1

3.1.1. Model 0: standard mass-moss rate

Panel (a) of Figure 3 shows evolution of the density struc-
ture where we can read positions of the shock front and con-
tact discontinuity, which separates the ejecta & shocked CSM.
In Panels (b)-(d), we plot the structure of the magnetic field
strength around the shock front. The positions of the shock
front at each time are evaluated as the maximum r where
vr > 8× 103 km s−1. The black lines in these panels are the
initial strength |B(t = 0,r)|. We see that the upstream mag-
netic field is amplified by the NRH instability by a factor of
around ten at r = rsh. Small scale fluctuations are observed
even in the upstream density structure, although it can be seen
only at very close to the shock front. This can be explained by

8 In the fitting, we use only the data larger than 0.1A for f0 p4 to neglect
the data having very small values.

simulation runs: effects of mass loss, losses, geometry
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FIG. 3.— Panel (a): density structure normalized by ρ(r0) for Model 0.
Different colors show different snapshot times. Panel (b): magnetic field
strength around the shock front at t = 3.0 day (orange). The initial structure
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day for Model 0.

back-reaction of Alfvén waves induced by the NRH instabil-
ity, because Alfvén velocity evaluated by using amplified field
strength at near the shock front is supersonic and as large as
10% to the forward shock velocity.

To see detail of the NRH instability, we plot the CR cur-
rent density in the upstream region of the shock at t = 7.0 day
in Figure 4. We also plot the CR current energy spectrum
jp∆ ln p in Figure 5 at t = 7.0 day, showing that high-energy

escaping CRs with pc ∼ 1014
− 1015 eV constitute the CR cur-

rent. Comparing the structures of the magnetic field and the
current density in Figure 4, we find that the NRH instability is
effective in a region with j(CR)

r ! 10−3 esu s−1 cm−2. In many
previous theoretical modelings, it have been assumed that the
NRH instability amplifies magnetic field until it reaches the

Magnetic field profile model 0
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so called saturation level9 (Bell 2004):

Bsat =

!

4π j(CR)
r pmax

e

"1/2

≃ 1.2Gauss

!

j(CR)
r

10−3 esu s−1 cm−2

"1/2
# pmax

1PeVc−1

$1/2

,(23)

where pmax is the maximum (escaping) CR momentum. It is
clear that the level of the magnetic field in the simulation is
smaller than this saturation level. Note that a CR diffusion
length is given by

ldiff = κ(p)/vsh

≃ 1014 cm ξ−1
B

# pmax

1PeVc−1

$

!

B

0.3G

"−1!
vsh

104 km s−1

"−1

,(24)

where ξB = δB2/B2. In order for the magnetic field to confine
high energy CRs, the magnetic field should be amplified in
the upstream region over ldiff from the shock front.

In Figure 4, we plot the current structure based on eq. (3)
of Schure & Bell (2013) as dashed lines, where the parameter
ξ is the fraction of the kinetic gas energy imparted into CRs.
In their model, it is assumed that only the geometrical effect
attenuates the CR current density as jr ∝ (r/rsh)−2. However,
the result of our simulation shows that it drops more rapidly
in particular at r − rsh ! 1015 cm. This stems from the fact that
we cannot fill all upstream region by the escaping CRs, since
the CR escape starts from a finite past, emphasizing the im-
portance for solving the temporal evolution of the CR current.

The finite radial extent of the CR current is directly con-
nected with the non-saturation of the magnetic field amplifi-
cation. To show this, we plot the ratio of an advection time
({r − rsh}/vsh) and the NRH instability growth time (ω−1

B ) as
a function of distance form the shock front in Figure 6. The
ratio is expressed as

σ = ωB tadv =
π1/2 | j(CR)

r | (r − rsh)

cρ1/2 vsh
. (25)

Figure 6 clearly shows that the ratio has a peak at σ ≃ 2.2,
indicating that the upstream magnetic fields only have about
two growth times until it is advected to the shock front, which
is not enough to reach the saturation level. Note that we can
regard the ratio σ as an e-folding number of the NRH insta-
bility, and indeed exp(σ = 2.2) ≃ 9 gives a good estimate of
the amplification level.

According to the standard DSA, by imposing an accelera-
tion timescale equaled to the shock age, we can estimate the
maximum energy of CRs as

Emax ≃ 0.4×1014 eVξB

!

B

0.03G

"!

vsh

104 km s−1

"2!
t

10day

"

.

(26)
In the above estimate, we substitute a non-amplified mag-
netic field level that leads the maximum energy far below 1
PeV. The result of the simulation shows larger Emax thanks to
the NRH instability. Figure 7 is the resulting CR spectra of
Model 0 around the shock front. The fitting of the spectrum
at t = 7.0 day shows that Ecut = 0.79× 1015 eV. Given that
the higher spatial resolution leads roughly factor two larger
Ecut (see §2.6), we can claim that the SNR similar to Model 0
would be a PeVatron.

9 The saturation happens once the gyro radius of maximum energy CRs
becomes smaller than the NRH instability critical scale.

1

1.5

2

2.5

3

14 14 14 14 15

ra
tio

 o
f a

dv
ec

tio
n 

tim
e 

an
d 

th
e 

Be
ll 

in
st

ab
ilit

y 
gr

ow
th

 ti
m

e:
 σ

distance from the shock front: r-rsh [cm]

t=7.0 day

FIG. 6.— Ratio of advection time ({r − rsh}/vsh) and the NRH instability

growth time (ω−1
B ) as a function of distance form the shock front at t = 7.0

day.

2

4

6

8

12

12 12.5 13 13.5 14 14.5 15 15.5 16
p2

f
x s
h)

[ pc

t=2.0 day
t=3.0 day
t=4.0 day
t=5.0 day
t=6.0 day
t=7.0 day

fitting

p

FIG. 7.— CR spectra of Model 0 around the shock front. To cal-
culate spectra, the CR distribution function f0 is spatially averaged from
r = rsh to rsh − 50∆r. The resulting spectra at t = 7.0 day is well fitted
by f0 ∝ p−4 exp{−(pc/Ecut)2} (see §2.6 for the fitting methodology) with

Ecut = 0.79× 1015 eV, which is plotted as black line.

In Model 0, we have terminated the run at t = 7.0 day,
at which the shock is propagating at r − r0 ≃ 0.9× 1015 cm.
Even if we continue the simulation, we hardly get higher Ecut,
because the background upstream magnetic field level drops
down to ∼ 0.01 Gauss.

3.1.2. Model 1: higher mass loss rate

As mentioned in §2.2, recent observations show that a high
mass-loss-rate wind model with Ṁ ∼ 10−3 M⊙ yr−1 is plausi-
ble as a RSG CSM in particular r " a few ×1015 cm (Föster
et al. 2018). We study such high mass-loss-rate CSM models
in Model 1-9, and here we discuss the result of Model 1 as a
fiducial model.

Figure 8 shows the similar plots as Figure 3 but data is from
Model 1. We also plot the ratio σ for Model 1 at t = 6.0, 10.0,
and 14.0 day in Figure 9. The result of Model 1 shows larger
upstream magnetic field than that of Model 0. This is due
to the difference of the initial CSM condition, because the
influence of the NRH instability is similar to that of Model
0, i.e., σ takes similar value to that of Model 0 (see, Figure
9). In this model, we stopped simulation at t = 14.0 day that
is longer than that of Model 0, because the initial background
magnetic field level is higher than Model 0 leading to a longer
time evolution of Ecut. Figure 10 shows the CR spectra of

Particle distribution



Results model 1

27

8 T. INOUE et al.

r r

r r

r r

r r

de
ns

ity
 ρ

r)
 / 
ρ
r

)
m

ag
ne

tic
 

 
B
r
r

m
ag

ne
tic

 
 

B
r
r

m
ag

ne
tic

 
 

B
r
r

1

14 15 15 15

1

14 14 14 14

1

14 14 14 14

1

14 14 14 14

FIG. 8.— Panel (a): density structure normalized by ρ(r0) for Model 1.
Different colors show different snapshot times. Panel (b): magnetic field
strength around the shock front at t = 6.0 day (orange). The initial structure
is plotted as a purple line for a reference. Dotted line shows shock position.
Panel (c): same as Panel (b) but for t = 10.0 day. Panel (d): same as Panel (b)
but for t = 14.0 day.

 0

 0.5

 1

 1.5

 2

 2.5

 3

 0  2x1014  4x1014  6x1014  8x1014  1x1015

ra
tio

 o
f a

dv
ec

tio
n 

tim
e 

an
d 

th
e 

 B
el

l i
ns

ta
bi

lit
y 

gr
ow

th
 ti

m
e:

 S

distance from the shock front: r-rsh [cm]

t=6.0 day
t=10. day
t=14. day

FIG. 9.— Ratio of advection time ({r − rsh}/vsh) and the NRH instability

growth time (ω−1
B ) as a function of distance form the shock front at t = 10.0

day for Model 1.

2

4

6

8

12

12 12.5 13 13.5 14 14.5 15 15.5 16

p2
f

x s
h)

CR momentum: log10[ pc (eV) ]

t=2.0 day
t=4.0 day
t=6.0 day
t=8.0 day
t=10. day
t=12. day
t=14. day

fitting

p

FIG. 10.— CR spectra of Model 1 around the shock front. To cal-
culate spectra, the CR distribution function f0 is spatially averaged from
r = rsh to rsh − 50∆r. The resulting spectra at t = 14.0 day is well fitted
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Ecut = 2.6× 1015 eV, which is plotted as black line.

Model 1 around the shock front, exhibiting more energetic
particles than Model 0. The fitting of the spectrum at t = 14.0
day shows that Ecut = 2.6×1015 eV, almost reaching the knee
energy. Even at t = 7.0 day, Ecut = 1.3×1015 eV, roughly twice
larger than that of Model 0 10.

To make it clear the effect of the NRH instability, we have
performed a simulation without the NRH instability as Model
8, which is done by artificially setting j(CR)

r = 0. From a fit-
ting of the resulting CR spectrum at t = 14.0 day, we obtain
Ecut = 1.6×1014 eV. Given that the upstream magnetic field is
amplified by an order of magnitude in Model 1, a factor ∼ 10
larger Ecut in Model 1 than that of Model 8 is reasonable.

3.2. Model 2: Smaller Initial δB Case

In Model 2, we study a model with smaller initial δB, but
the same Br as Model 1. Since the original NRH instability
assumed a coherent background magnetic field (Br ≫ δB), it
is meaningful to study such a case. Figure 11 is composed

10 At t = 14 day, the blast wave shock is propagating at r ≃ r0 + vsh t ≃
2.7×1015 cm, which can be larger than the spatial extent of the CSM created

by the high Ṁ wind (a few times 1015 cm). If so, the maximum energy
obtained in Model 1-8 would be limited by the spatial extent of the dense
CSM.

Magnetic field profile

Amplification by a factor 10, advection-limited amplification
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FIG. 10.— CR spectra of Model 1 around the shock front. To cal-
culate spectra, the CR distribution function f0 is spatially averaged from
r = rsh to rsh − 50∆r. The resulting spectra at t = 14.0 day is well fitted
by f0 ∝ p−4 exp{−(pc/Ecut)2} (see §2.6 for the fitting methodology) with

Ecut = 2.6× 1015 eV, which is plotted as black line.

Model 1 around the shock front, exhibiting more energetic
particles than Model 0. The fitting of the spectrum at t = 14.0
day shows that Ecut = 2.6×1015 eV, almost reaching the knee
energy. Even at t = 7.0 day, Ecut = 1.3×1015 eV, roughly twice
larger than that of Model 0 10.

To make it clear the effect of the NRH instability, we have
performed a simulation without the NRH instability as Model
8, which is done by artificially setting j(CR)

r = 0. From a fit-
ting of the resulting CR spectrum at t = 14.0 day, we obtain
Ecut = 1.6×1014 eV. Given that the upstream magnetic field is
amplified by an order of magnitude in Model 1, a factor ∼ 10
larger Ecut in Model 1 than that of Model 8 is reasonable.

3.2. Model 2: Smaller Initial δB Case

In Model 2, we study a model with smaller initial δB, but
the same Br as Model 1. Since the original NRH instability
assumed a coherent background magnetic field (Br ≫ δB), it
is meaningful to study such a case. Figure 11 is composed

10 At t = 14 day, the blast wave shock is propagating at r ≃ r0 + vsh t ≃
2.7×1015 cm, which can be larger than the spatial extent of the CSM created

by the high Ṁ wind (a few times 1015 cm). If so, the maximum energy
obtained in Model 1-8 would be limited by the spatial extent of the dense
CSM.
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2D3V PIC-MHD simulations
• CR injection in Vlasov-MHD simulations is set to 1 TeV (for computational reasons). 
• The theoretical NRH growth time is intraday in RSG circum-medium.
• But we test the pmax increases with time using PIC-MHD simulations for high Mach number 

shocks.
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FIG. 14.— Ma = 1000 shock solutions at t = 180 !inj using the PIC-MHD
code: up turbulent magnetic field amplitude �B/B, middle: CR density rel-
ative to the the thermal gas density, bottom: gas mass density relative to the
initial upstream density. This early stage image shows the start of the fila-
mentary structure in the upstream medium

FIG. 15.— Identical to figure 14 but at t = 450 !inj. By this stage, the
filaments have become more pronounced and start to influence the shape of
the shock front.

another assumption of efficient particle injection into the DSA
process in these environments. In order to test this hypothe-
sis we perform a numerical simulation of a high-Mach parallel
shock using the PIC-MHD method (Bai et al. 2015; van Marle
et al. 2018). This approach combines elements of both tradi-
tional MHD and PIC. The plasma is divided into two compo-
nents: the first is the thermal plasma, which is treated as a fluid
using grid-based MHD, the second is the non-thermal plasma,
which is treated as a collection of particles that are modelled
using the PIC method. The two fluids interact with each other
through the electromagnetic field using a modified version of
Ohm’s law. The code is based on the MPI-AMRVAC code
(van der Holst et al. 2008). This is a fully conservative finite
volume code that solves the conservation equations of MHD
on an adaptive mesh.

We start our simulation from the Rankine-Hugoniot condi-
tions of a standing shock with MA = 1000 and upstream ve-
locity vs = 0.03c. Once the simulation starts, we inject par-

FIG. 16.— Identical to figure 14 but at t = 900 !inj. The difference in ram
pressure at the shock front has caused large-scale corrugation of the shock.

ticles at the shock with an injection rate of 2⇥ 10-3 of the
total mass flowing through the shock. This rate has been cho-
sen to allow a growth of the NRH instability over reasonable
computational timescales. The particles are given a starting
velocity vinj = 3vs, with a direction that is randomly chosen
to create an isotropic distribution in the post-shock restframe.
These values match the ones used previously in van Marle
et al. (2018, 2019) as well as the precition used by Bai et
al. (2015). While this is higher than the injection rate used
in previous sections, it is unlikely to influence the results.
Comparing equations B8 and B5 from van Marle (2020) gives
us the minimum upstream particle density required to induce
the non-resonant streaming instability. For the simulation pa-
rameters used here, this results in a relative particle to gas
density of ⇢p/⇢0 = 3.3⇥ 10-5. Because the injection takes
place anisotropically, this gives us a minimum injection rate
6.6⇥10-5, which we exceed in every case. For our simulation
box, we use a 2-D grid that is 480⇥30Rl , with Rl the gyro ra-
dius of the particles at injection. This space is covered by a
grid that has 480⇥30 grid cells at its coarsest level. The code
uses adaptive mesh refinement, allowing four addition levels
for a maximum effective resolution of 0.0625Rl per grid cell.

The results of our simulations are shown in Figs 14-16,
which show (from top to bottom) the change in the mag-
netic field (dB/B0), the relative density of the non-thermal
particles (⇢nt/⇢) and the thermal gas density at t = 180, 450,
and 900 ,Rl/vinj. From an early stage, the current gener-

ated by the movement of the non-thermal particles in the

upstream medium causes a disturbance in the upstream

magnetic field (Fig. 14), creating filaments along the direc-

tion of the flow where the magnetic field strength is am-

plified. This disturbance grows over time, and becomes

visible in both the thermal and non-thermal gas density

distribution as they respond to the changes in the mag-

netic field (Fig. 15). The thermal gas, which is assumed to

be fully ionized, is coupled directly to the magnetic field,

causing the thermal gas density to form filaments that co-

incide with the magnetic field amplification. However, the

particles, which have a greater freedom of motion owing

to their high velocity can travel more easily in areas where

the magnetic field is weak and relatively smooth

. As a result, the non-thermal particle density is highest
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FIG. 19.— Evolution of pmax as a function of time for the PIC-MHD simu-
lation. Initially, the time evolution matches the predicted function well. In the
later stages, it starts to deviate as the shock corrugation begins to dominate
the shock structure.

order of magnitude larger than the injection energy at best.
Given that the saturation level of the NRH instability depends
on the maximum energy of CRs (see, eq. [23]), the small
available maximum energy in the particle based simulation
makes it easy for the NRH instability to saturate. Caprioli &
Spitkovsky (2014b)) showed, in their seminal paper, that mag-
netic energy amplification factor hB2/B2

inii increase linearly
with MA as hB2/B2

inii ' 0.5MA in the range 10  MA  100.
The result of our simulations suggests that the relation pos-
sibly does not hold for Mach numbers MA & 103. A possi-
ble explanation could be that when the shock speed becomes
a non negligible fraction of the light speed advection effects
start to compete with the instability growth and may prevent
for reaching the expected saturation level. Note that if we
compare the amplification factor itself, the results of our sim-
ulation shows larger values than that of the PIC simulations
(e.g., hB2/B2

inii ⇠ 100 for Model 0).

4.3. Effect of CR pressure
In the present simulations, we did not take into account the

effect of CR pressure that modifies shock structure making
CR precursor and influences the CR spectrum, depending on
the CR injection rate (Malkov 1997a,b; Blasi et al. 2005; Vink
et al. 2010; Saito et al. 2013). Semi-analytic studies of steady
state CR modified shock revealed that there are three possi-
ble states of the CR modified shock when the CR injection
rate is set to be in a certain range ⌘2 � ⌘ � ⌘1. The so-called
efficient state has large compression ratio and substantially
modifies CR spectrum, while the inefficient state has smaller
influence on the shock structure. Finally, there is an interme-
diate state in between the efficient and inefficient solutions. In
the case ⌘� ⌘2 (⌘ ⌘1), there is only the efficient (inefficient)
solution. Time-dependent analysis by Saito et al. (2013) has
shown that, for ⌘  ⌘2, the inefficient solution would be nat-
urally selected, because the efficient and inefficient solutions
are stable against perturbations, while the intermediate one is
unstable. Thus, so far as ⌘ ⌘2, the neglect of the effect of CR
pressure would be reasonable as a first approach. According
to Malkov (1997b), for pinj c = 6⇥ 107 eV and pmax c = 1015

eV that are compatible with our simulations, the critical injec-
tion rate is estimated to be ⌘2 ' 10-3, which is roughly twice
larger than our fiducial choice of ⌘ (it should be noted that

the definition of ⌘ is different between this paper and Malkov
(1997b), and we have adapted to our definition). However,
even in the inefficient case, the CR precursor has still non-
negligible influences on the shock structure and resulting CR
spectrum. We will examine such effects in our near future
studies.

4.4. Implications for observations
The onset time of the collisionless shock (CS) during the

early SN envelope expansion phases determines the start of
particle acceleration and multi-wavelength radiation (Levin-
son & Nakar 2020). The time after which the CS forms
depends on the properties of the upper stellar atmosphere
or circum-stellar wind. Giacinti & Bell (2015) give a con-
strain of the shock speed for the CS to form before shock
breakout. Namely vsh . 0.1c ⇥ (vw/10 kms-1) (Ṁ/5 ⇥
10-4 M� yr-1)-1(r?/1013 cm), where vw, Ṁ and r? are the wind
speed, mass loss rate (in solar mass per year) and progenitor
core radius respectively. In that aspect, RSG winds with en-
hanced mass loss prior to the explosion can fulfill this con-
strain. If the scenario can operate in core collapse SNe, then
primary or secondary (those particles produced by primary
CR interaction with matter and/or radiation) CRs distribu-
tion can be traced through their multi-wavelength radiation.
A sub-sample of core collapse SNe show non-thermal radio
emission associated to synchrotron radiation from mildly rel-
ativistic or relativistic electrons as early as a few days af-
ter the SN flash. This was in particular the case for the
nearby (at a distance of ⇠ 3.5 Mpc) type IIb SN 1993J which
showed non-thermal radio emission 5 days after the outburst
(Weiler et al. 2007). But the main channels allowing a probe
of the acceleration of high energy hadrons either are the X-
ray emission due to secondary leptons and the gamma-ray
emission mostly due to neutral pion decay from the interac-
tion of high energy CRs with the CSM wind material (Mar-
cowith et al 2014). Gamma-ray photons can be either pro-
duced through Inverse Compton emission by relativistic elec-
trons, but at least to what concerns energies above 10 TeV,
the Klein-Nishina effect should limit the lepton contribution
to the gamma-ray emission strongly. Dwarkadas (2013) cal-
culate the expected level of hadronic gamma-ray emission for
a large variety on ejecta and density profile in the CSM but
did not consider gamma-gamma pair production attenuation.
Murase et al. (2019) introduce the effect of pair production
and the electromagnetic cascade initiated by secondary par-
ticles issued from CR interaction with the surrounding mate-
rial. They propose a parametric one-zone model for different
classes of core-collapse supernovae. Tatischeff (2009) inves-
tigate the gamma-ray emission from SN 1993J more specif-
ically. To that aim he developed a model based on micro-
physics of shock acceleration which main parameters (for in-
stance the CR injection fraction) are constrained to repro-
duce radio lightcurves from a few days after the outburst.
He found a flux above 1 GeV of F ' 2 ⇥ 10-9 (t/1day)-1

cm-2 s-1 weakly subject to gamma-gamma attenuation and
an unabsorbed flux above 1 TeV F ' 2 ⇥ 10-12 (t/1day)-1

cm-2 s-1. But at these energies during the first 10 days af-
ter the outburst the effective flux is well below this limit due
to gamma-gamma attenuation. In this latter model gamma-
gamma absorption is calculated considering an isotropic flux
of soft photons. However, as shown by Cristofari et al. (2020)
gamma-gamma attenuation involves in fact an anisotropic and
a time-dependent flux of soft photons which render the de-

pmax (t) increases as t1/2 Bohm regimeNRH modes at M=1000 parallel shock front



Gamma-ray calculations and CTA forecast 
• Cristofari et al 2020 MNRAS and 2021 submitted


• Gamma-ray calculation is uneasy : 


1. gamma (soft UV photons from the photosphere) - gamma ( ~ TeV 
gamma-ray photons from the forward shock) is anisotropic => 6 
integrals (l, t, E, , ,  )


2. Time-dependent calculation, accounts for retarded photon flight times, 
Doppler effect (see Granot in the context of gamma-ray burst, reverted 
wrt to SNe).


3. GeV photons are less sensitive to this effect, by can be absorbed by 
Bethe-Heitler process (Murase et al 2014 ApJ), small effects if 




4. NB: this calculation does not account for 1) electron-positron pair 
cascades, 2) emission at the reverse shock so it is conservative.

ψ0 θ ϕ

·M < 10−2M⊙/yr
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ergies at their current evolutionary stage, which is required
for sources in order to reach the knee of the CR spectrum,
located at ⇠ 3 PeV for protons.

The possibility for core–collapse supernovae (CCSNe)
to accelerate TeV-PeV particles has been addressed by sev-
eral groups (see e.g. Tatische↵ 2009; Bell et al. 2013; Schure
& Bell 2014; Marcowith et al. 2014; Murase et al. 2014;
Cardillo et al. 2015; Giacinti & Bell 2015; Zirakashvili &
Ptuskin 2016; Petropoulou et al. 2017; Bykov et al. 2018a;
Marcowith et al. 2018; Murase et al. 2019; Fang et al. 2019)
and reviews (Bykov et al. 2018b; Tamborra & Murase 2018).
The fast shock resulting from the stellar explosion expand-
ing in the dense wind of a red supergiant (RSG) progeni-
tor was shown to be able to excite non–resonant streaming
instabilities, thus allowing for e�cient magnetic field am-
plification and particle acceleration into the PeV range in
the early stages (typically in the first tens of days) after
the SN explosion (Tatische↵ 2009; Marcowith et al. 2018).
This result supports the idea that CCSNe might be peva-
trons, leading to the intriguing possibility that the resulting
gamma–ray emission may be detectable by future ground–
based gamma–ray facilities such as the Cherenkov Telescope
Array (CTA) (Cherenkov Telescope Array Consortium et al.
2019). However, till now, no detection has yet been reported
at GeV (Ackermann et al. 2015) and TeV (H. E. S. S. Col-
laboration et al. 2019) gamma–ray energies.

Although simple energetic considerations indicate that
the TeV gamma–ray luminosity from CCSNe might be su�-
cient for a detection (Kirk et al. 1995), several e↵ects could
degrade the emitted gamma–ray signal. The most signifi-
cant of these e↵ects is the expected attenuation of the high–
energy gamma–ray flux in the radiation field produced by
the SN photosphere: very–high–energy gamma rays, typi-
cally in the TeV range, can interact with the dense pho-
ton field, typically in the eV range, through pair produc-
tion: �� ! e+e� (Gould & Schréder 1966, 1967). This e↵ect
has been studied and discussed in the context of other astro-
physical objects, such as gamma–ray binaries (Dubus 2006),
and CCSNe (Marcowith et al. 2014) at a preliminary level. In
most of the studies dealing with the detectability of CCSNe
as cosmic-ray sources, the opacity due to this two-photon an-
nihilation process has been treated as isotropic (Tatische↵
2009; Murase et al. 2014; Wang et al. 2019). As we show
below, however, the e↵ect is distinctly non-isotropic, due to
the dis-similar evolution of the radius of the SN photosphere
and that of the outer shock. In e↵ect, at early timescales,
the soft photons originating from the SN photosphere are
produced at small distances from the gamma–ray source.
Qualitatively, in the observer rest frame, their distribution
would appear close to isotropic. But in time, the soft photons
are produced increasingly further behind the shock, becom-
ing at some point hardly capable of catching the gamma–ray
photons to interact with, thus producing a drop in the ��
absorption.

To our knowledge, an extensive calculation of the ��
absorption, including both the geometrical e↵ects and the
temporal evolution of the expanding shock and of the SN
photosphere, has not yet been carried out. This is the pur-
pose of this paper, in which we present the calculations of
the time–dependent �� opacity (Sec. 2) and demonstrate
its e↵ect on the early gamma–ray emission from CCSNe.
We illustrate our results using the well–known supernova

Rsh(t)
<latexit sha1_base64="0NyTKgaMPM5TPXlUFN+DSrkjJtc="></latexit>

Rph(t)
<latexit sha1_base64="8E0F72p5qHN75iNNXQnkDud+7xo="></latexit>

d
<latexit sha1_base64="V1CeI+nXk2GFj6W+cA8d+ZKQKYk="></latexit>

�0
<latexit sha1_base64="bZBhGBbYWz31XA5XNLNu9HfNJNI="></latexit>

�
<latexit sha1_base64="ifHdRE6HYtqT9jU5rnAz+n8E1JA="></latexit>

�
<latexit sha1_base64="ksKKeJ10XV3Mk25q+PNZbb16d80="></latexit>

l
<latexit sha1_base64="Bf5QTwrBe2BBldS3qeNOUvm1yT4="></latexit>

�e�
<latexit sha1_base64="my4/fJETnAKmFZI1WmdCcTS1FAo="></latexit>

I
<latexit sha1_base64="xJFBYJnQj5mz4ixkXT98NHyVn3M="></latexit>

P
<latexit sha1_base64="+c+oiUqH6f/IY/6aaQ/bHUNSgcQ="></latexit>

S
<latexit sha1_base64="cWlEQ8X4pNnisgll/7O/J3Wzk2Q="></latexit>

�e�<latexit sha1_base64="ORNyLXJDRMLpEUKdVsZXzZ1T/Rk="></latexit>

d1
<latexit sha1_base64="8vuKLPqyPtNTCd1eRiUPcZcgqQk="></latexit>

Figure 1. Geometry considered in this work with a forward shock
at Rsh(t) and a photosphere at Rph(t). The interaction between a
gamma–ray photon emitted at (I) and a soft photon emitted at (S)
(surface of the photosphere) occurs at (P). The other parameters
defining the system are described in the text.

SN 1993J, which encourages early targeted observations of
CCSNe with CTA (Sec. 3). Our conclusions are presented in
Sec. 4.

2 TIME DEPENDENT GAMMA-GAMMA

ABSORPTION

The gamma–gamma opacity calculation is primarily a geo-
metrical problem, where the gamma rays produced at the SN
forward shock interact with lower energy photons from the
SN photosphere. In this work, we follow the approach pro-
posed in Dubus (2006) (D06), and adopt similar notations
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Geometry of the gamma-gamma interaction
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Figure 4. Time evolution of the opacity ⌧�� for gamma–rays
of di↵erent energies. The general case with temporal e↵ects (GC
time, thick lines) and without temporal e↵ects (GC, thin lines)
are shown.

compared to the point source case. The attenuation is max-
imal at ⇡ 3 days where the di↵erence between Rsh and Rph
is minimal. After & 10 days, the calculation for the general
cases coincides with the results obtained in the point source
cases. Indeed, as mentioned in D06, the point source approx-
imation accurately describes the system when Rsh & 4Rph.

We additionally show the result of the attenuation cal-
culation in the isotropic case, as in Aharonian et al. (2008)
and T09, in order to illustrate that our results lead to more
optimistic gamma–ray flux than these previous estimates.

In the general case, taking into account the geometrical
and temporal e↵ects, we compute the di↵erential spectrum
at di↵erent times. The attenuation is maximal in the TeV
range, as shown in Fig. 7. After ⇡ 10 days, the flux around
⇠ 1 TeV and ⇠ 100 TeV becomes comparable to the unab-
sorbed one after 300 days, illustrating that the optimal win-
dows for the detection of a gamma–ray signal in this case
are either in the first day after the SN explosion, or after
& 10 days. As a guide for the reader, we also show the typi-
cal integrated sensitivity of CTA for a point source observed
for 50 hours (Fioretti et al. 2016; Cherenkov Telescope Ar-
ray Consortium et al. 2019). Although it appears that the
obtained integrated fluxes above 100 GeV and above 1 TeV
from SN 1993J are about one order of magnitude below the
typical 50 hour sensitivity of CTA after & 10 days, a more
careful analysis, taking into account the performance of the
instrument, is needed. This would allow one to accurately
quantify the detectability of such a SN 1993J-like SN event
with CTA.

Pair production can also occur through the Bethe-
Heitler process which involves a direct interaction of pho-
tons with a nuclei (Blumenthal 1970). The threshold for pair
production Eth can be estimated equating mec2 ⇠ kBTph. The
temporal evolution of Tph in shown in Fig. 3. In the case of

SN 1993J the photosphere temperature does not exceed 104

K at early times, hence Eth � 106 � 107 GeV. At these ener-
gies, the secondary gamma-ray photons produced by neutral
pion decay are only marginally compatible with the domain
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Figure 5. Time evolution of the integrated flux above 100 GeV
from SN 1993J. Six cases are shown: unabsorbed (blue solid, see
Eq. (10)), point source (PS, red dotted), point source with time
e↵ects (PS time, black dot–long dashed), general case (GC, green
dot–dashed), general case with time e↵ects (GC time, purple
dashed), and the isotropic calculation (grey thin dotted) (Aha-
ronian et al. 2008). The typical sensitivity of CTA in 50 hours
at energies above 100 GeV (Fioretti et al. 2016) is shown as the
horizontal orange line.

Figure 6. Time evolution of the integrated flux above 1 TeV
from SN 1993J. Legend is similar to Fig. 5.

covered by CTA. Notice that the previous estimation is ob-
tained assuming an isotropic soft photon distribution. Hotter
photospheres produce lower thresholds and then may be rel-
evant to explore for multi–hundred TeV sensitive telescopes
like LHAASO (Bai et al. 2019). A refined calculation includ-
ing time-dependent and anisotropic e↵ects will be proposed
in a forthcoming work. A second Bethe-Heitler process is
the direct interaction of gamma-ray photons with bounded
electrons in atoms (Murase et al. 2014). We have checked
that the opacity for this process is never larger than one in
the conditions that prevail for SN 1993J.
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covered by CTA. Notice that the previous estimation is ob-
tained assuming an isotropic soft photon distribution. Hotter
photospheres produce lower thresholds and then may be rel-
evant to explore for multi–hundred TeV sensitive telescopes
like LHAASO (Bai et al. 2019). A refined calculation includ-
ing time-dependent and anisotropic e↵ects will be proposed
in a forthcoming work. A second Bethe-Heitler process is
the direct interaction of gamma-ray photons with bounded
electrons in atoms (Murase et al. 2014). We have checked
that the opacity for this process is never larger than one in
the conditions that prevail for SN 1993J.
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Flux > 100 GeV as function of time Flux > 1 TeV as function of time

Ø strong absorption effects but only during the first 10 days => multi-wavelength 
monitoring strategy including gamma-rays. The objects would have been 
barely observable by CTA (sensitive to the exact mass loss). 

Ø Detectability horizon for CTA ~10 Mpc for typical mass loss rates.
Ø Modest neutrino flux (0.1 neutrino above 10 TeV).
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Figure 2. Time dependent spectra from electron-positron secondaries
at fourth different times after the outburst. Radio data are from [28].
X-ray data are from [29] and have been taken at about 7 days after
the outburst. The dotted lines represent the un-absorbed synchrotron
spectra while the continuous lines include synchrotron self-absorption
(see T09).
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Figure 3. Time dependent neutrinos flux above an energy E expected
by an instrument equivalent to KM3NeT (continuous lines) at fourth
different times after the outburst. In dotted lines are displayed the
atmospheric neutrino backgrounds.

4. Discussion

Type IIb SNe like SN 1993J are rare events. Only
about 5-6% of the local core-collapse SNe have been
classified in that category [30]. One of the most
important parameter controlling the early gamma-ray
emission from SNe is the ratio of the mass loss rate and
the wind velocity Ṁ/vw. This parameter fixes the CSM
medium density and the different CR driven instability
growth rates. The other important parameters are:
the shock velocity, the local ionization degree of the
CSM matter (see [31]), the background stellar wind
magnetic field and the SN peak luminosity. The shock
velocity controls the growth rate of the instabilities
and the acceleration timescale. The ionization degree
is important for the particle acceleration efficiency
and may also produces element dependent CR spectra
if the ionization is incomplete for heavier elements.
The background magnetic field controls partly the
local magnetization and the shock obliquity. The SN
luminosity controls the gamma-gamma absorption
process. The effects of each these parameters deserves
further investigation and will be explicitly treated in a
future work.

Taking the combined effects of the above parameters
into account we can examine the possibility for observa-
tions of other SN types. In terms of high ambient den-
sity, it appears that Type IIn SNe would be one of the
most promising targets for gamma-ray telescopes. Al-
though high density implies lower velocity of the shock
wave, the dependence of the velocity on the density is
not as large. In the Chevalier self-similar solution, the
radius of the shock wave depends on the ambient den-
sity (or the parameter Ṁ/vw) only as R∼ (Ṁ/vw)−1/(n−s),
where n is the power-law of the ejecta density profile
and s is that of the circumstellar medium. For n = 10
and s = 2 we get R ∼ (Ṁ/vw)−1/8. Thus the higher
density does not lead to significantly reduced velocities.
Unfortunately these sources are even less frequent than
IIb SNe. SN IIP form the most frequent type of SN
(more than 50% of the core-collapse SNe). These arise
from RSG stars, and should theoretically have wind
mass-loss rates ranging from 10−7 to 10−4 solar masses
per year. However, observationally we find that most
IIPs appear to arise from lower mass stars [30] and are
less luminous in X-rays [31], suggesting on average a
lower mass loss rate to wind velocity ratio. A case by
case study is mandatory in these cases before any de-
tailed predictions can be made. Finally, the equally rare
Ib/Ic SNe are potentially interesting as they harbor the
fastest shock waves, but they are usually associated with

6

Neutrino flux (continuous)

(dotted : atmospheric background)

on figures you can see different curves:
PS: SN photosphere as a point source, GC: extended 
photosphere, time= time effects included, continuous blue: 
unabsorbed flux. Continuous orange: integrated CTA 
differential sensitivity after 50 h of observations, if 5h the 
line is shifted by a factor 3 upward.
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Prospect for other CC SNe classes

• We have test until now: IIP CC SNe (the more frequent ones). 
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Figure 5. Integrated sensitivity for photons of energy greater than Time
evolution of the integrated photon flux above 100 GeV (top) and 1 TeV
(bottom). The source distance is ⇡ = 1 Mpc, the ejecta mass is "ej = 4
M� and the mass-loss rate of the wind is §"w = 10�8, 10�7, 10�6 and 10�5

"� /yr shown as solid (blue), dot-dashed (red), dashed (green) and dotted
(violet) lines, respectively. The corresponding unattenuated fluxes are shown
as thin lines. The typical sensitivity of CTA (orange horizontal line) for 50
hours is shown as a guiding-eye for the reader (Fioretti et al. 2016).

uncovered area of the photosphere, while values <1 indicate that the
dilution e�ects due to the distance between the shock and photosphere
dominate. Values ⇡ 1 indicate that the number of photons reaching
the shock is strongly governed by the distance � (C). In addition
to these geometrical considerations, the energy of the soft photons
emitted from the photosphere is also changing with time. Fig. 2
shows the typical temperature and luminosity of the photosphere,
and Fig. 4 the blackbody phostopheric photon density as a function
of time, illustrating the changes of photon distribution. The resulting
level of gamma-gamma absorption is a combination of 1) geometrical
e�ects (conditioning the amount of photons available to interact with
gamma rays); 2) the amount of gamma rays produced at the strong
shock; and 3) the energy of low energy photons, impacting the level
of attenuation. [OK, but I still don’t understand the origin of the dip
at day ⇠ 10...]

In Fig. 6, we illustrate the e�ect of a change of temperature (and
thus luminosity) of the photosphere by considering two di�erent
radii of the progenitor star '¢ = 3⇥1013 and 1014 cm. The temporal

Figure 6. Time evolution of the integrated photon flux above 100 GeV (top)
and 1 TeV (bottom). The source distance is ⇡ = 1 Mpc, the mass-loss rate
of the RSG wind is §"w = 10�6 "� /yr, and results for an ejecta mass
"ej = 2, 4 and 10 M� are shown as dotted (blue), dashed (red), solid (green)
for a progenitor radius '¢ = 3 ⇥ 1013cm (thin) and '¢ = 1014cm (thick)
lines. The corresponding unattenuated fluxes are shown as loosely dotted
lines [???]. The typical sensitivity of CTA (orange horizontal line) for 50
hours is shown as a guiding-eye for the reader (Fioretti et al. 2016).

evolution of the temperature and luminosity is shown in Fig. 2 and
the evolution of the black–body distribution is illustrated in Fig. 4.
The resulting gamma-ray signal is shown in Fig. 6, illustrating that
the increased temperature and luminosity lead to an enhancement
of the attenuation (visible for all ejecta mass considered). Moreover,
the second attenuation dip featured at ⇠ 10 days discussed above is
more pronounced as luminosity increases. In addition, the e�ect of
the ejecta mass is shown, illustrating that an increased ejecta mass
tends to lower the level of the attenuation (the e�ect is especially
visible for higher temperatures of the photosphere).

Recent papers (see e.g. Barker et al. 2021, or references cited
below) mentioned that for high mass-loss rates, the explosion energy
of SNe arising from stars of mass . 20 M� can be less than 1051

erg. Interestingly, it is possible to understand the e�ect of a lower
total explosion energy by looking at Eq. (2), Eq. (3) and Eq. (5). The
temperature is very weakly dependent on the total explosion energy
⇢SN. The photospheric radius and shock radius scale with ⇢SN in
the same way / ⇢0.41

SN . This dependency is therefore analogous to
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the second attenuation dip featured at ⇠ 10 days discussed above is
more pronounced as luminosity increases. In addition, the e�ect of
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tends to lower the level of the attenuation (the e�ect is especially
visible for higher temperatures of the photosphere).
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below) mentioned that for high mass-loss rates, the explosion energy
of SNe arising from stars of mass . 20 M� can be less than 1051

erg. Interestingly, it is possible to understand the e�ect of a lower
total explosion energy by looking at Eq. (2), Eq. (3) and Eq. (5). The
temperature is very weakly dependent on the total explosion energy
⇢SN. The photospheric radius and shock radius scale with ⇢SN in
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Varying the mass loss rate from 0.01 to 10 times 10-6 solar mass/year

Detectability horizon ~ 1 Mpc (so basically Magellanic clouds) 



More extreme objects
• Some rare but possibly relevant objects: trans-relativistic SNe, Super-luminous SNe, 

choked Supernovae => gamma-ray burst.


• Besides IIP, it is known that IIn objects have exceptional high mass loss (up to a 
fraction of solar mass/year).
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Figure 3: Spectra of accelerated particles at t = 30 yr. The spectrum of protons
(thick solid line) and secondary electrons (multiplied on 105, thin solid line)
at the forward shock, spectrum of protons (thick dashed line) and spectrum of
secondary electrons (multiplied on 105, thin dashed line) at the reverse shock
are shown.
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Figure 4: Spectra of particles produced in the supernova remnant during 30 yr
after explosion. The spectrum of protons (thick solid line ), the spectrum of sec-
ondary electrons (multiplied on 103, thin solid line), the spectrum of neutrinos
(thick dashed line) are shown.

radiation coming from the forward and reverse shocks [28].
It is instructive to compare the results of the present calcula-

tions with the approximate analytical expression for the maxi-
mum energy of protons accelerated by a supernova shock in the
stellar wind. Comparing the acceleration time 10DB/V2f with
the remnant age t and with the time of pp losses we found the
following expression for the maximum energy Emax

Emax =
3qV2f
10MAc
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where the time tpp is given by

tpp =
0.5cσppṀ
πuwmV2f

= 0.2 yr
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Figure 5: Dependencies on time of fluxes from the supernova remnant at dis-
tance 1 Mpc. We show the neutrino flux at 1 PeV produced via pion decay
(thick dotted line), the gamma-ray flux at 1 GeV produced via pion decay (thick
dashed line). The evolution of the synchrotron gamma-ray flux at 1 MeV (thick
solid line) and radio-fluxes at 1.4 GHz, 5 GHz and 15 GHz (thin solid, dashed
and dotted lines respectively) are also shown.
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Here σpp is the cross-section of pp interactions. For simple
estimates we assume that the compression ratio of the forward
shock equals to 4 and its velocity Vf =

&

2ESN/Mej is constant
at the free expansion stage.
A similar estimate for Type Ia supernova explosion in the

uniform medium gives the ”knee” energy ∼ 3 PeV for protons.
The shocks propagating in stellar winds accelerate particles to
higher energies. In particular Type IIn supernova remnants with
their dense winds with mass-loss rate Ṁ ∼ 10−2 M⊙ yr−1 can
accelerate protons up to 80 PeV according to Eq. (7). This
order of magnitude estimate is in agreement with our numerical
results illustrated in Fig. 4. Thus, the explanation of proton
acceleration up to ∼ 1017 eV in Type IIn supernova remnants
is in line with the acceleration of cosmic rays up to the knee in
Type Ia supernova remnants.

4. Calculation of background neutrino flux

Using results of the previous Section, one can calculate the
integrated on time number of high-energy neutrinos emitted by
a supernova remnant that can be presented by the following
equation:

Q(Eν) =
'

dt
'

dE
'

4πr2dr
ρ(r, t)
m

Jcr(E, r, t)
dσ(E, Eν)
dEν

.(9)

Here we introduced the cosmic ray flux distribution on en-
ergy Jcr(E) = 4πp2N(p) and the effective cross section of neu-
trino production in pp interactions dσ(E,Eν )

dEν , m is the proton
mass. The detailed description of the relevant cross sections
and kinematics of the neutrino production can be found in [26].
The result of our calculations is shown in Fig.4.
The neutrino spectrum produced by a single supernova rem-

nant Q(Eν) can be used for the determination of extragalactic
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Figure 6: Calculated spectra of neutrino produced by IIn SNRs in the expand-
ing Universe (solid line). IceCube 4 year data [3] are also shown.

neutrino background. Distributed in the Universe Type IIn su-
pernova remnants give the following diffuse flux of neutrinos:

F(Eν) =
c

4πH0

! zmax

0
dz
Q((1 + z)Eν)νsn(1 + z)m

"

Ωm(1 + z)3 +ΩΛ

=
c

4πH0

! (1+zmax)Eν

Eν
dE′

E′m

Em+1ν
νsnQ(E′)

"

ΩmE′3/E3ν +ΩΛ
. (10)

Here the adiabatic energy loss of neutrinos produced at the
redshifts 0 ≤ z ≤ zmax is taken into account. The present neu-
trino production rate per unit energy and volume is νsnQ(Eν),
where νsn is the rate of Type IIn supernovae at z = 0 while the
cosmological evolution of the sources in the comoving volume
is described as (1 + z)m (m = 0 implies no evolution). The evo-
lution parameter m = 3.3 for z < 1 and no evolution at z > 1,
the maximum redshift zmax = 5 and the rate νsn = 10−6 Mpc−3
yr−1 at z = 0 are assumed in our calculations (see e.g. [29]).
This rate of Type IIn supernovae is 100 times lower than the
rate of all core collapse supernovae. H0 = 70 km s−1 Mpc−1 is
the Hubble parameter at the present epoch, the matter density
in the flat Universe is Ωm = 0.28, and the Λ -term is ΩΛ = 0.72.
The calculated background neutrino spectrum is shown in

Fig.6. The figure demonstrates a good fit of our calculations to
the IceCube data. We expect that the gamma-ray and neutrino
background at energies below 100 TeV are produced by cos-
mic ray protons via pp interactions in the interstellar medium
of galaxies. This explains why the first and the second IceCube
data points are above our theoretical curve. In addition the input
of atmospheric neutrinos can be significant at these energies.
Using the same approach we can calculate the flux of ex-

tragalactic protons. Our results are compared with cosmic ray
data in Fig.7. The proton flux produced by extragalactic IIn
supernova is below the measured all particle cosmic ray flux
and comparable to the measured proton flux at energies 2 · 1016
eV to 1017 eV. The calculated flux is not corrected for possi-
ble magnetic horizon effect that can considerably suppress the
flux below about 1018 eV [30]. The suppression is due to strong
deflection of cosmic ray trajectories in extragalactic magnetic
fields around the sources in the expanding Universe.

With efficiency of cosmic ray production obtained in our cal-
culations, Galactic Type IIn supernovae could make a signifi-
cant contribution to the observed intensity of ultra high energy
cosmic rays. However the intermittency of infrequent IIn super-
nova explosions (one in 5 thousand years in the Galaxy) makes
the corresponding estimates rather uncertain.
Simple order of magnitude estimates can be done to clar-

ify how the obtained neutrino flux depends on supernova pa-
rameters. The main production of high energy particles and
neutrinos occurs up to the beginning of the Sedov stage when
the shock radius RS can be determined from the condition
Mej = 4π

# RS drr2ρ = ṀRS/uw. The time for the beginning
of the Sedov stage tS = RS/Vf can be written as

tS =
Mejuw
ṀV f

= 10 yr
$

Ṁ
10−2 M⊙ yr−1

%−1

×

$

uw
100 km s−1

% $

ESN
1052 erg

%−1/2 $ Mej

10 M⊙

%3/2

. (11)

We shall assume that at t > tpp the accelerated protons with
the spectrum E−2 are uniformly distributed in the supernova
shell. The neutrino energy flux expected from a supernova at
distance D can be estimated as (see also [15, 16])

f (Eν)E2ν =
3ξCRKν

8π ln(Emax/mc2)
V3f Ṁ

uwD2

$

1 +
t
tpp

%−1

=

10−8
erg
cm2s

$

1 +
t
tpp

%−1

D−2MpcξCR
$

Ṁ
10−2 M⊙ yr−1

%

×

$

uw
100 km s−1

%−1 $ ESN
1052 erg

%3/2 $ Mej

10 M⊙

%−3/2

(12)

Here ξCR is the ratio of cosmic ray pressure to the ram pressure
of the shock ρV2f , Kν ≈ 0.25 is the fraction of energy that goes
into neutrinos in pp interactions and Emax is the maximum en-
ergy of accelerated protons given by Eq. (7). The value of ξCR
is ξCR ∼ 0.5 in our numerical modeling of the efficient cosmic
ray acceleration while a lower value ξCR ∼ 0.1 is enough to
explain the origin of Galactic CRs in supernova remnants.
At early times t < tpp pp losses dominate and the flux is al-

most steady. It is interesting that the corresponding luminosity
Lν ∼ 1042 erg s−1 is comparable with the optical luminosity of
Type IIn supernovae. This is not surprising because both quan-
tities are determined by the energetics of the forward shock.
The optical luminosity can be estimated from relation (see e.g.
[13])

L = ϵ
ṀV3f
2uw
. (13)

Here the factor ϵ ∼ 0.1 − 0.5. This expression is often used to
estimate the mass loss Ṁ of Type IIn supernova progenitors.
Comparing with Eq. (12) we can rewrite the neutrino flux at

t < tpp as

f (Eν)E2ν =
3ξCRKνL

4πD2ϵ ln(Emax/mc2)
=

5



Conclusions / Perspectives 
• Fast shocks that develop after the SBO can be the site of particle acceleration up 

to PeV energies within few days/weeks.


• TeV gamma-ray lightcurve is highly sensitive to photosphere emissivity properties.


• At TeV, gamma-ray emission is strongly reduced by two photons interaction 
process. Basically no photon is expected during the first week => constrain the 
follow-up observation strategies with CTA.


• Some rare, very energetic events could explain high energy neutrino background.


• Still need to go from PeV energetic particles to explain the Cosmic Ray spectrum 
<=> evaluate the Cosmic Ray production in each SNe class. 
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